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ABSTRACT

The solar corona has a temperature of order 1 MK, which is sti®@0 times the temperature of the
underlying surface. This fact has puzzled solar physid@tsnore than six decades. As of today,
most solar physicists agree that the mechanism that heatotbna is connected to the dynamics of
the magnetic fields in the photosphere. The questiohadszdoes the coronal heating depend on the
photospheric magnetic fields? That is the problem whichttigsis focuses on.

Before investigating the problem, an introduction to the &ugiven, reviewing everything from the
basics of a general star to the structure of the entire Sunggbrough each layer, with focus on
the atmosphere. Finally, the corona is brought into disonssvhich leads us to theoronal heating
problem Two plausible heating mechanisms are discussed, bottedetia the generation afurrent
sheets 1) the stressing of a magnetic field which collapses intp tarrent sheets (width of order
10 m) which eventually burst out asnanoflare a mechanism introduced by Parker (1988), and 2)
a hierarchy of current sheetanalyzed by Galsgaard & Nordlund (1996), which also inetuthrge-
scale current sheets (width of several megameters) ndedeta nanoflares. Both mechanisms are
actively referred to in the later chapters of this thesis.

To analyze the problem, the numerical code Bifrost is agdiesolve the MHD equations on three-
dimensional cutouts of the quiet-Sun (QS) atmosphere. thieretical models with different mag-

netic field configurations are evolved over time interval8@f80 min of solar time, and the result-

ing coronal temperatures and amounts of Joule heating (hedting) in each model are analyzed,
compared to each other and compared to the correspondinfgsre$ a standard model evolved by
Hansteen et al. (2010).

The results confirms that both the tiny current sheets blamt@anoflares and the hierarchy of large-
scale current sheetge plausible mechanisms for coronal heating. It is plausib& the magnetic
field structure in the QS photosphere is in the form of a “peftper” pattern with poles of upward-
and downward-oriented fields. The simulations indicate the coronal heatingncreaseswith the
typical separation distance between magnetic poles inlibtopphere, at least when this separation
distance is shorter than 6-7 Mm (which is approximately theerical upper limit for typical sep-
aration distances in the models evolved in this thesis)s Ehprobably because an increased mean
separation distance between magnetic poles allows a monelew hierarchy of current sheets to
evolve. 1t is also confirmed that an atmosphere of homogengettical magnetic fields does not
produce the high temperatures observed in the corona almipelar regions such as plage.
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INTRODUCTION

Our life-giving star, known as the Sun, has always fascihdtemanity. For thousands of years,

natural philosophers and, later, scientists have trieahtterstand its workings. As early as 2000 B.C.,
Chinese astronomers observed and predicted solar ecliwbésh later have become an important
source of information about the Sun), and in 350 B.C., suisspere discovered by one of Aristotle’s

pupils, Theophrastus. The sunspots were, unfortunatetypften in Europe for more than a thousand
years, but in China these features were being observedsgttally (Priest 1982).

The real boost of knowledge about the Sun began in the 16t Zdcenturies: Copernicus (1543)
stated that the Earth, as well as the five other planets knowhaatime, orbits the Sun instead of
the Sun and the other planets orbiting Earth. Galileo Gdliésliscovered” sunspots (after being ob-
served by Thomas Harriot, Johannes and David Fabriciusla)l#s well as promoting Copernicus’
idea of a heliocentric system, proposing that falling bediee accelerated equally if the resistance of
the medium is negligible and also proposing the principlmeftia; Johannes Kepler formulated three
laws of planetary motion; Isaac Newton formulated the gatiginal law and the three laws of motion.
With the 18th and 19th centuries came the development ofmthéynamics and atomic theory, the
invention of photography and the discovery of atomic sgeand with the 20th century came the
development of quantum physics, the invention of the coergutand later parallel computers), the
invention of CCDs (digital imaging devices used in teles)ags well as great enhancement in several
observational instruments, amongst others telescopespmutrographs. All of this has helped astro-
nomers to gain a solid physical understanding of our mottaar $till, there are several mysteries
about the Sun that remain to be solved.

1.1 A Review of our Current Knowledge about Stars

The Sun is astar, located in agalaxy known as the Milky Way, orbiting the galactic center with a
speed of 220 km/s at a distance of 26400 light years (Kerr &deyrBell 1986) . A galaxy is a huge
accumulation of stars, usually shaped like an ellipsoidsmiral disc, where the latter is the case of our
galaxy. Assuming circular orbit, we can use the orbital dpefehe Sun to find out that the solar orbit
encloses a mass ef 10! M, whereM,, is the solar mass. Since the outer-lying mass in fact counts
at least 50 % of the total mass, and since most of the staresgerassive than the Sun (because the
more massive stars die more quickly due to a much higher kgardurning rate), we can estimate
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2 CHAPTER 1

that there are between a few hundred billion and one trii@ms in the Milky Way. The Milky Way is
one of more than 30 galaxies in a galaxy cluster known as tleall®@roup (Karachentsev et al. 2009).
The cluster is~ 10 Mly (megalightyears) from the nearest neighbor clustaréchentsev 2005) and
part of a~ 100 Mly wide disk-shaped supercluster (Kalinkov 1983), Wirgo Supercluster, making
the Local Group one of (100 Mly/10 Mly)? = 100 clusters in the Virgo supercluster. The nearest
neighbor superclusters are about 300 Mly away. Assumirglieadensity of superclusters is more or
less homogeneous in the observable universe, which hasus i@d- 50 Gly (Gott et al. 2005), we
can estimate that there are abays (50 000/300)* ~ 107 superclusters in the observable universe.
This means that there are more than 30 billion galaxies imbiservable universe (the Hubble Space
Telescope has estimated at least 80 billion), and the Sumysome of more thari0?? stars. Before
going into the details about the Sun, it is therefore impdrta have some basic knowledge about
stars, i.e. what they are and how they work.

A star is aball of self-gravitating gashat produces energy through atorfiisionin the core. Energy

is transported through the different layers of the stall itdéiaves the star’s surface, mostly in the form
of electromagnetic radiationwhile some of the energy that leaves the surface is depasit stellar
wind, i.e. particles which move away from the star with a higlocity. A star can be surrounded by
smaller spherical objects, known pnets and if a planet is made of right material and lies close
enough to the star, but not too close, the electromagnatiatran from the star will warm up the
planet sufficiently for the possibility dife.

We usually put the stars into differespectral classeby considering theieffective temperaturé,.
Stars radiate almost like perfect black bodies, and thezefafter measuring the spectrum of a star,
we can find the Planck radiation curve that fits the spectrianaifiyy, see figure 1.1. More specifically
Wien’s displacement law states that the effective tempegadf a star is related to the wavelength
Atop (Measured in Angstram), where the top of the Planck curverec®y AiopTeg = 2.90 - 107
A-K. The effective temperature of a star is roughly equal tsiit$ace temperature, where the surface
is defined as the spherical layer around the star where tledbthe visual light emitted from the
star becomes optically thin. The red stars, which have speehtered around the longer wavelengths
(Mtop > 6 500 A), therefore have cooler surfaceg.¢ < 4 500 K), while the blue stars, with spectra
centered around the shorter wavelengthg < 1000 A), have hotter surfaces{ > 30 000 K).
Since the visible light only ranges from about 3800 A to 7400wk only see a small part of the
spectrum of the hottest stars & 4000 A, which is blue light). The main spectral classes are, from
hottest too coolest, the following: O, B, A, F, G, K, M. Additially, each spectral class is divided
into 10 bins indicated by a number from 0 to 9.

The other important stellar classification is fhaeninosity classdenoted by a roman number from |
to V. The luminosity of a star is a measure of the electromtégmemergy which the star releases per
time unit, and for a specific spectral class, the most lunsretars are in class | and the least luminous
in class V. But this doesot mean that the stars in the same luminosity class have rodigdlgame
luminosity. In reality, the luminosity class tells us motmat what kind of stars we are dealing with.
Stars in class V are the so-callethin sequencstars, while stars in classes I-IV are giants (class
| denotes the most luminous supergiants). A main sequelcdssa star which is in a physically
stable state (does not undergo any dramatic changes in tetufgeand density) and where the only
fusion process that takes place is fusion of hydrogen taime(H—He) in the stellar core. Giant
stars (classes I-IV) are older stars, depleted of core Iggirowhere H-He fusion takes place in
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Figure 1.1: Planck curves and the Solar spectrum. Imagegemmnted fromhtt p://en. w ki pedi a. or g/
wi ki /Planck’s_|aw and http://ww. pages. drexel . edu/ ~br ooksdr/ DRB_web_page/ papers/
Usi ngTheSun/ usi ng. ht m

surrounding shells. Additionally, fusion into heavierraknts might occur, depending on the mass of
the star. Figure 1.2 shows a Hertzsprung-Russell diagraenenthe stellar classification is visualized.
It also shows the position of the Sun in an HR diagram.

Stars are formed in dense clouds of interstellar medium JIS¥e ISM is the matter that exists in
space outside star systems, consisting of both ionizethia@and molecular gas. Since these clouds
are always in chaotic movement, several clouds might eoliido each other, and this will cause the
gas to compress. When a cloud gets dense enough, its inggavétiational forces will be so strong
that it cannot be balanced by the forces due to the gas peesBie mass of the cloud is then greater
than the Jeans mass,

A 5 e

Mo =5 P = Gearpi

wherep is the mass densityg ; the Jeans radius, the sound speed arid the gravitational constant.
This triggers a gravitational collapse, where gas fallsatals the centre of the cloud (i.e. the cloud
is accreting. Since the accreting cloud is initially rotating, and sinbe angular momentum of the
cloud is conserved, the gas outside the central part of thedalotates faster. This leads to a rapidly
increasing centrifugal force which halts the in-fallingsga the rotation plane. Since there are no
forces halting the gas from falling in from other directipttsis leads to the development of a central
mass, i.e. grotostar, surrounded by a flattened disc of rotating plasmec(etion disg. At some
point, the accretion of the surrounding plasma stops, anthave apre-main-sequence st§dPMS
star), which gets its energy from gravitational contractieurrounded by orbiting clouds of cooler
gas. The gravitational contraction in the PMS star consnuril its core gets hot enough(( K) to
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start H—He fusion, and we haverain sequence staMeanwhile, the surrounding orbiting clouds
of gas cool down and condense into denser objects and endaglidsbjects e.g. planets, asteroids
and comets.

The high increase in the temperature due to the ignitionehtldrogen core (i.e. beginning ofkHe
fusion) causes the pressure gradient force to increasetgdareincrease in the gas pressure) until it
becomes strong enough to balance the gravitational forcethler words, hydrostatic equilibrium is
achieved. The star is now in a stable phase and will remaimsiatine core hydrogen is more or less
depleted. In fact, most stars spend more than 80 % of thetiie as main sequence stars.

The core is only a small part of the stellar interior. Betwé@ncore and the surface, a star can have
a radiative and/or aconvectivezone. These zones are discussed more in detail in sectidh b
the main distinction between these two zones is the follgwin a radiative zone, the efficient way
of transporting energy outwards is by the diffusion of el@etagnetic radiation, while in a convective
zone, the energy transport is dominated by convective maio parcels of hot gas are buoyant and
rise up to cooler regions, thereafter they cool and sinkragadnvection is efficient in regions where
the temperature drops fast enough with height (see secttoh)1Red dwarf stars (class M) are much
smaller than other main sequence stars and have relatigelysarfaces { 3000 K), which means
that they have a temperature that drops much faster witthhksign in the larger main sequence stars.
In fact, the temperature drops fast enough to cause the estidir to be convective outside its core. As
a result, the helium produced in the core is continuouslyechiwith the hydrogen in the envelope,
which secures fresh amounts of hydrogen for the core to lmuhelium. This means that the entire
star works as a H-He “power plant” until all hydrogen in the star has turned #divm. Because red
dwarfs have relatively small masses (down to 0.4 solar nsjstee gravitational force on the core
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is also relatively small and requires therefore less gasspre from the core to maintain hydrostatic
equilibrium. Therefore, the hydrogen burning goes quibevl, and the time it takes from the birth
of a red dwarf until the star is depleted of hydrogen can beuwtaed to be of order trillions of years
i.e. much longer than the current age of the universe. Ji&kaistars have a radiative zone around
the core, and then a convective zone. Stars heavierlthar, (Maeder & Meynet 1989) have cores
which fuse hydrogen to helium in a different way than starthwmaller masses (CNO-cycle instead
of pp-chain), and this results in a higher core temperaherce a higher temperature gradient around
the core, which leads to a thin convective layer around the.cdore massive stars have thicker
convective layer around the core and thinner convectiverlaglow the surface. In general, according
to Schwarzschild (1958), upper main sequence stars (OB slars) have convective inner envelope
and radiative outer envelope, while it is the opposite fardomain sequence stars (solar-like stars and
lighter stars) except for M class dwarfs. OBA class starsefioee have smooth surfaces compared
to lower main sequence stars, both because they have ndajfanyattern (a characteristic surface
pattern due to underlying convection) and because theymaweagnetic field which extends outside
the surface (hence no starspots, which are concentrati@®og magnetic fields on the surface). The
only exceptions are some OB class stars where observatiditaie magnetic fields which extends
out of the surface, probably in the form of a stable field canfigion (Braithwaite & Nordlund 2006).

When a star is depleted of core hydrogen, unless it is an M dasirf (where all hydrogen is turned
to helium in the end), the temperature and hence the gasupeesdscreases abruptly due to the halt in
the H—He fusion, and the star begins to contract. This continuéstbe shell which surrounds the
core is hot enough to start-HHe fusion. This produces a pressure gradient force whiaistrong

to be balanced by the gravitational force, and the outerlepgeof the star expands rapidly. Solar-like
stars are at this point in a phase known asrdtegiant branch(RGB), because they have expanded
so quickly that the surface has cooled and turned red. Whaddmes after the H:He burning shell

is depleted of hydrogen depends on the mass of the star.eFlgBrshows how different post-main-
sequence stars change their position in an HR-diagramglthfinal stages of their lives.

According to Lattanzio & Forestini (1999), stars heaviearth.61/., start fusing helium to carbon

and oxygen in the core and later in the surrounding sheki(@fépletion of core helium). Solar-like

stars are at this point enterindharizontal branch(HB) where they move to the left and right several
times in the HR diagram i.e. their size and surface temperadte oscillating. The existence of a
horizontal branch was discovered in the first detailed swdif globular clusters (Arp et al. 1952;
Sandage 1953).

When the core is depleted of helium, i.e. when the entire coresists of carbon and oxygen, the
star contracts due to the lack of a sufficient pressure gradi®hen the gravitational pressure on the
helium shell around the core is high enough, this shellsfaging helium into carbon and oxygen.
The star is now in th@asymptotic giant branclfAGB) where it undergoes an enormous expansion
because of the enormous pressure gradient due to the shiathHesion. Because of the rapid
expansion, the surface will be cold and red, hence this kifrstas is known as a (superg@d giant
Finally, the outer layers of the red giant are thrown off ie form of a planetary nebula, and the
remainder is a hot core made of oxygen and/or carbon, knovawésgte dwarf

Stars with higher mass can fuse carbon and oxygen into evaneneslements, but not heavier than
iron (which is the element with the lowest energy per nuclechhese stars turn into supergiants
and end their lives in powerful explosions knownsagernovae Possible stellar remnants after a
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supernova areeutron starsandblack holes Supernovae are powerful enough to produce elements
heavier than iron.

In the early universe, there was only hydrogen and heliumsanak lithium, because these where the
only elements which were efficiently created by Big Bang aasi/nthesis. Therefore, the oldest stars
in the universe contained only these three elements. Lafter, stars had produced heavier elements
and released them in supernovae, these elements was spie#uki ISM, and then new stars could
be born with small amounts of heavier elements. The yoursjast are therefore the ones which are
the richest in metals. Astronomers distinguish betweemnadion I, Il and Il stars, population | stars
are rich on metals while population Il and Il stars havéditir no metals. This means that population
| stars are the youngest stars in the universe, and populitand Il stars are the oldest. Note that
very few, if any, population Il stars have been found.

It is important to point out that our main (and practicallyygrsource of information about a star is
the electromagnetic (EM) radiation that we receive fronAA&.mentioned earlier in this section, from
the spectrum of EM radiation we can first extract a Planck ewvhich tells us immediately about
the star's effective temperature. But this Planck curvedisturbed” by emission and absorption
lines, because a star (obviously) consists of atoms thatbaorb and emit photons. Because each
chemical element has its characteristic absorption/éomigimes, we can first of all use the line spectra
to find out which elements that are present in the star anthatgithe abundance of each element
by measuring the intensities of the lines. The lines mighDbgpler shifted or broadened due to
velocities, and therefore Doppler shifts and Doppler wsdtan give us information about the star's
rotation velocity, large-scale velocities of plasma iedide star and its temperature (since the Doppler
width increases with the thermal velocities). The presarfcg magnetic field can cause a Zeeman
effect i.e. a splitting of one spectral line into severalcip® lines, and by measuring the distance
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between the lines it is possible to estimate the magnitudbeofnagnetic field. Because the light
(or absence of light in the case of an absorption line) at aifipdine that we receive from a star is
often mainly produced at a specific depth inside the star,amameasure the intensity, Doppler shifts,
Doppler widths, Zeeman effect and other spectral line &ff’om many different lines to estimate the
temperature, large-scale velocities, magnetic fields Aoddances of the different chemical elements
in different regions inside the star’s atmosphere and thisio a detailed knowledge about it.

1.2 A Review of our Current Knowledge about the Sun

The Sun is a yellow dwarf star, and figure 1.2 shows that it imBnrsequence star in spectral class G.
More specifically, it is a population | star of spectral cl&3V. It is in its middle age, approximately
5 billion years old, and has a maks,, = 2 - 103 g, a radiusk, = 700 Mm, an effective temperature
T.g = 5780 K and a luminosityL., = 3.84 - 1033 erg/s (Schrijver & Siscoe 2009; Rusov et al. 2010).
According to recent works by Asplund et al. (2009), the Sumsigis of 73.81 % (of total mass) hy-
drogen(H), 24.85 % helium(He), and the last 1.34 % is oxy@&n¢arbon(C), neon(Ne), silicon(Si),
nitrogen(N), Magnesium(Mg), iron(Fe), sulfur(S) etc. imler of decreasing mass abundance.

The Sun, as other stars, is divided into several layers. ola sterior consists of @ore, where
energy is produced by-HHe fusion, aradiative zonavhere the energy produced in the core is trans-
ported (very slowly) outwards by diffusion of electromatioeadiation, and @onvective zonehere
the energy is transported further outwards by convectidihiireaches the surface. The surrounding
solar atmosphere consists gilaotospherewhere the bulk of the electromagnetic radiation that Isave
the Sun is emitted, ehromosphergbeing a mostly transparent layer with relatively constantper-
ature (about 4000-7000 K),teansition region where the temperature rises to 1 MK within a height
range of no more than a few megameters, aodrang which is a very hot{ 1 MK) and transparent
layer (in visible light) which can be seen as a crown aroued3blar disk at Solar eclipses.

The Sun undergoes differential rotation, which means tiagas at different latitudes moves around
the Solar axis with different angular velocities. The rigatperiod is about 25 days at equator,
increases with latitude and is more than 30 days at latithageer than 60 (Khokhlova 1959). Dif-
ferential rotation, combined with convective motions kethethe surface (which in fact is the cause of
the differential rotation), is responsible for the dynamioietn generates and maintains the magnetic
fields and the magnetic activity on the Sun.

1.2.1 An Overview of the Solar Interior

Leighton et al. (1962) discoveresblar oscillationsduring analysis of velocity fields in the solar
atmosphere. This gave rise to a study knowhel@seismologywhich has later played a large role in
mapping the solar interior. According to Gizon et al. (2Q1lioseismology provides precise tests
of the theory of stellar structure and evolution, and it @sables the study and discovery of effects
not included in standard solar models (standard modelseddatar interior are spherically symmetric
models without rotation and magnetic fields and with a sifigalitreatment of convection). There are
three kinds of solar oscillations that are usually studieddlioseismology: 1) p-modes i.e. pressure-
driven waves, 2) g-modes i.e. gravity-driven waves and Bjofies which are gravity waves that
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Figure 1.5: Log of temperature in K, pressurg 0¥ dyn/cm? and density in0~> g/cm? as function of fractional radius,
whereR = 0.886 R . The plot is reprinted from Hansen et al. (2004).

occurs near the surface.

The solar interior is made up by a core, a radiative zone armheective zone as shown in figure 1.4.
It has a temperature, density and pressure which decreagebeight as in figure 1.5. It consists
mainly of hydrogen and helium and less than 2 % of heavier edsn Since the core continually
fuses hydrogen to helium, the abundances of helium is muglehinear the core than in the outer
regions, while it is the opposite case for hydrogen. Kodwoewc(1995, 1996) applied helioseismology

to estimate how the abundances of hydrogen and helium depetige distance from the core, as
shown in figure 1.6.

The battery of the Sun lies ithe core It has a temperature dft.5 - 10 K and a pressure of
10'7 dyn/cm?, causing hydrogen to be fused into helium by a process kn@itheaproton-proton
chain (and not the CNO cycle which requires an even highepéeature to be efficient). The process
consists of several steps, but roughly it produces onerhdiiucleus (H&") and some positrons and
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Figure 1.6: Measures of the abundance of hydrogen (left)hefidm (right) inside the Sun, reprinted from papers by
Kosovichev (1995, 1996).

neutrinos out of four H ions' (or protons). The He nucleus has slightly less mass than eiéns,
and the rest energy of this mass differenke: is released as photons, with energy giveniby=
Amc? (Einstein 1905). We must also count the photons producedh wieepositrons released during
the pp-chain annihilates with electrons (there is roughig electron for each proton). Since almost
all of the energy released by the fusion processes in thesgiigethe Sun as electromagnetic radiation,
the total energy per second released from the core due tg/thieden fusion is approximately equal
to the luminosity, that i$.84 - 103 erg/s.

Outside the core, at a radius of~ 0.2 R, is aradiative zone Here, the photons produced in the

core diffuse slowly outwards. According to Mitalas & Siltk992), it takes about.7 - 10° years for

an average photon to travel through the radiative zone. iecaf the high density and pressure, the
mean free path (averaged over the entire zone) is about hPWlich causes a travelling photon to

be absorbed by an atom and then re-emitted in another dineakinost every0—'2 s.

Abover = 0.7 R, convective instability occurs. This means that if a paafajas starts to move
upwards, the parcel will continue to rise, because it is bagy

dpi < dp, (1.1)

wheredp; anddp are the density changes inside the parcel and in the suirguntedium, respect-
ively. Considering the temperatuie, densityp, pressureP, gravitational acceleration and mean
particle massn in the fluid, we assume horizontal pressure equilibrium ne.excess pressure in
horizontal direction, ideal gas law i.€ = pkpT/m and hydrostatic equilibrium i.€2P/0r = —pg
(which means that the gravitational force is balanced bytkasure gradient) to obtain the Schwarz-
schild condition for convective instability,

o  ~y—1gm

- 1.2
67°> v kg’ (1.2)

!Because of the extremely high temperature, all atoms argleoety ionized
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wherer is the radial coordinatey = 5/3 the adiabatic exponent ag; the Boltzmann constant. The
right-hand side term is known as thdiabatic temperature gradieriPriest 1982).

As already mentioned, this criterion is fulfilled above= 0.7 R, in the convection zone As a
consequence of the convective instability, parcels ofdtegas are transported up towards the surface,
then slowed down due to radiative cooling. The parcels keeypimg horizontally along the surface
until they are dense enough to sink again. The convectivénamesm, rather than radiation, transports
energy upwards through this zone.

(TR SR

Convective cell Convective cell

Downflow
lane

Figure 1.7: Two-dimensional sketch of (the top of) conwetiells.

In convection, the upflows of heated plasma are organizeélliswhile downflows of cool and denser
plasma are concentrated in thinner inter-lying lanes, as/shin figure 1.7, but with higher velocity
than the upflows so that the total mass flux over a large caoveptttern is zero. Convective cells
appear in several sizes, all from 1-2 Mm (in upper convectimme, seen agranulationin the surface)
to ~ 100 Mm (giant cells extends through almost the entire depth of the convectgarlbut not
visible on the surface), according to Stix (2004).

1.2.2 An Overview of the Solar Atmosphere

The solar atmosphere is usually divided into four laye@mnfinnermost to outermost, these are known
as thephotosphergthe chromosphergthe transition regionand thecorona Each layer can be char-
acterized by how théemperaturebehaves. Let us therefore consider figure 1.8(a) which shiogvs
modeled temperature in the solar atmosphere as functiorightobtained from a numerical simu-
lation (using Bifrost, described in the next chapter). @Bigratz = —1, the temperature decreases
relatively slowly, but around = 0, there is a 200-300 km thick region where it decreases qajie r
idly. This is thephotospherewhere the bulk of the visible light becomes optically thiausing the
fluid to undergo radiative cooling. Above = 200-300 km is a region of relatively constant mean
temperature (or decreasing and then increasing slowly léitght) which is calledhromospherelt
extends up to heights between 1.5 Mm and 3.0 Mm above the giftiéo, depending on the local
fluid dynamics. The region where the temperature increasgdly with height, froml’ = 2 - 10* K
toT ~ 10° K, is thetransition region It extends from ~ 1.5-3.0 Mm toz ~ 2.5-3.5 Mm, depending

2When discussing regions above the photosphere in thissttthsi photosphere simply refers:e= 0.



INTRODUCTION 11

log(T[K1)
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Figure 1.8: Histograms of temperature, density, pressncepdasmas as function of height in the solar atmosphere,
obtained from a BIFROST simulation. The (negative) intBnsi each histogram represents the log frequency of each
specific value of the plotted variable at each specific hdiighihce histogram). Over-plotted is the horizontal avesaife

the same measures as function of height.
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(again) on the local fluid dynamics. Finally, the outermasfer is thecorong which goes fronz ~
2.5-3.5 Mm and outwards, characterized by a high and nearigtant temperature (of order 1 MK).

In addition to temperature, it is also interesting to stuwlydensityand the (gaspressure These two
gquantities are plotted in figure 1.8(b) and figure 1.8(c)peesively. Both quantities decrease with
height. The decreasing pressure can be seen directly frefat¢hthat the Solar Atmosphere is more
or less inhydrostatic equilibrium

oP
o9, = P9 (1.3)

Combining this with the ideal gas law? = ZET while assuming a slowly varying temperature,
which is mostly true except from the transition zone, we obtiae following equation

dlnp _gm
0z kT’

(1.4)

i.e. the density decreases with height. It is also easy tw $hat the density will decrease with height
in the transition zone. Omitting the assumption of slowlpirag temperature, we have

Olnp  dInT gm

0z 9z kT’ (1.5)

and since the temperature in the transition zone increagbksheight, we will still have a negative
right-hand side.

In the case of a slowly varying temperature, integrating(&egt) over height gives

zZ—z(0

3

g7

p = poe 1 F70) = ppe” (1.6)

where H,, is thedensity scale heightlefined adi, = (%ﬁ) 1, i.e. the height you have to travel
upwards before the density is reduced by a factar. When the temperature is only slowly varying,
as in the chromosphere, the pressure will also follow a singkponential function with a pressure
scale heightdp = (‘9};;’3)_1 = H, = /;_%_ Using the solar surface gravitational acceleration
g = GMy/R2% = 2.74 - 10* cm/s?, a typical chromospheric temperatife= 6000 K and a mean
particle massn ~ my ~ 1.5 - 10727 g2 we getH, = H, ~ 1 — 200 km. We also get a similar
estimate of the scale height by measuring the slope of thiedmally averaged pressure and density

in the chromosphere in figures 1.8(b) and 1.8(c).

As mentioned earlier, the Sun hamagnetic fieldswhich play an important role on the plasma in the
atmosphere. Its presence might either decrease or incieasemperature significantly, depending
on the field topology, as well as affecting the density andldinge scale velocities in the fluid. A
magnetic fieldB exerts a (magnetic) pressure on the surrounding fluid, aintdl the gas pressure,
given by

B2

Py =—
B 2

2.7)

The hydrogen mass is67 - 10~27 g, but since a significant fraction of the particles are iedizhe abundance of free
electrons leads to a (slightly) less mean particle masstrardforel.5 - 10727 g is a good estimate here.
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wherey is the vacuum permeability. Its gradient is thegnetic pressure forgger volume),V Pg =

% [(B-V)B — (V x B) x B] where the first term is theagnetic tension for¢and the second term
is theLorentz forcej x B. We often want to know whether the fluid velocity fields areen by the
magnetic fields or the other way round. Therefore we definpldemas, defined by = P/Pg, i.e.
the ratio between the gas pressure and the magnetic prefsre > 1, the velocities in the plasma
drives the magnetic field, but if << 1, the magnetic fields drives the plasma velocities.

A histogram of the plasmg& is shown in figure 1.8(d). Below the surface, in the convectayer,
wee see thaf >> 1. The magnetic fields are in fact generated by the turbuldotites in the that
region. In the photosphere and lower chromosphgris, both above and below 1, so the magnetic
fields are some places driven by the fluid velocities and gtleres the other way round. From the
upper chromosphere and upwardss. < 1, so the plasma motions here are more or less driven by the
magnetic fields.

In the solar atmosphere, we distinguish betwegeiet Sun(QS) regions andctive regions(AR).
Active regions are characterized by high magnetic activtyd the magnetic field is strong enough
to modify the granulation (a photospheric pattern disatisaseer in this section). It features amongst
other phenomensunspotsandporeswhere the magnetic field strength can reach up to 40Q@lage
where the plasma is acting turbulently aitf@areswhich are high energy bursts. The Quiet Sun, on
the other hand, is characterized by weaker magnetic fietabttee magnetic field structure consists
mainly of magnetic bright points organized in a magnegtworkwhich comprises the pattern seen in
chromospheric lines (a phenomenon cakeghergranulation described briefly later in this section),
as seen in figure 1.9.

1.2.3 Observations and Simulations of the Photosphere

This thesis focuses on the solar atmosphere, and it is trerhportant to have some physical know-
ledge each region of the solar atmosphere in particulam froermost to outermost. This section
presents what we know about the photosphere, based on atisesvand numerical simulations.

If we look directly, or through an optical telescope, at thaSve see theolar surfaceatr = R,
which marks the bottom of the solar atmosphere. The surtaoéen defined as the layer where the
optical depth for light with wavelength 5000 A, as seen frgpace, equals 1. As already mentioned,
thephotospherés located here, with a thickness of 1-200 km and charaetgtiy a rapid temperature
decrease from about 8000 K to 5-6000 K. The density in thigreig about2 - 10-7 g/cn?, and the
pressure is abod - 10* dyn/cm?.

The most important feature of the QS photosphere isgtia@ulation pattern In figure 1.10, this
pattern is showed as a intensity plot of the continuum wangghes in the visible spectrum, simulated
with Bifrost. The pattern looks like a mosaic pattern as seem above, composed of many cells
fitting tightly together. These cells, known gsanules are in fact the top of (relatively small) con-
vective cells in the upper convection zone, and they havepiaalydiameter of 700-1500 km. The
“borders” which surrounds the cells, knowniatergranular laneshave a typical thickness ef 100
km. Up-flows of hotter gas (at velocities of 1-2 km/s) from ttmnvection zone form the granule
interiors in the photosphere. When this gas reaches thegbiutre, it cools radiatively, decelerates
and thereafter floats (at velocities of 2 km/s) along theamgrtowards the intergranular lanes. Finally,
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Figure 1.9: An image of the Sun, showing the chromospheriwaor& (supergranulation) taken at Solar Dynamics Obser-
vatory (SDO) at continuum wavelength 1700 A.

the gas becomes dense and cool enough to sink (at velodilden's) along the lanes. Gas from 3-4
near-lying intergranular lanes comes together in the daarivertices” and from there sink (almost)
vertically in tubes with a typical thickness of 100 km. Because of the high plasnian the granules,
the magnetic fields in the photosphere are concentratee imthrgranular lanes, while the magnetic
fields in the granules are weaker. Since the underlying ativeecells do not have uniform pressure,
the cells are moving all the time. The average lifetime of granule is~8 min, but some granules
may live for up to 15 min (Priest 1982).

The photosphere also features cellular patterns similgraoulation but with larger cell structures,
namelymesogranulatiomndsupergranulation Supergranulation was first observed by Hart (1954) as
fluctuations in the velocity field on top of the mean rotatis@eed on the solar equator, and has later
showed up in Dopplergrams, i.e. plots of the Doppler shiftsh@ solar surface, as a pattern similar
to the granulation pattern but with cells that av&00 times as large. As summarized by Rieutord
& Rincon (2010), this is (very briefly) what we know about sigyanulation: supergranules have
typical diameters of 10-30 Mm and typical lifetimesio6 + 0.7 days. The rms horizontal velocities
on supergranular scales axe850 m/s, while the rms vertical velocities in the supergtanianes
are~30 m/s (which means that the upflows below the supergranuéesl@aver than this, while the
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Intensity bin 1

Figure 1.10: Simulated intensity plot of the continuum waxgths in the visible specter, showing the granulatiotepat
in the photosphere.

downflows along the lanes are faster). Local helioseisnyokigpws that supergranules are shallow
structures with a depth of a few megameters. Several theeloaiee been constructed about what causes
supergranulation, but it seems most likely to be causedrbg lscale convection. In the chromosphere,
supergranule boundaries show up in bright points, formiregchromospherioetworkin e.g. the Ca

H and K lines, as shown in figure 1.9, which coincides with tHe i@agnetic network. The bright
points in the network have field strengths 01500-2000 G in the photosphere, while the regions
inside the supergranules, known as iernetwork has magnetic fields 6£100 G (Socas-Navarro

et al. 2004; Hasan et al. 2005; Wedemeyer-Béhm et al. 2009).

Mesogranulation was first observed by November et al. (18813 pattern of cellular flow with a
spatial scale of 5-10 Mm, lifetime ef2 hours and rms vertical velocity amplitude of about 60 m/s.
Recent works on this feature, e.g. Yelles Chaouche et dll{28tate that there are no indications of
convective flows at mesogranular scales. However, mesoigition might be a result of a collective
interaction between several granules.

Sunspots

A very important feature in the non-QS photospheresarespots A sunspot is often circular of shape
and consists of a central dark area known asutimdra which is surrounded by a slightly brighter
region known apenumbraas shown in figure 1.11 (where we also see the surroundingiigtam
pattern). According to Priest (1982), the umbra has a tygieaneter of 10-20 000 km and a magnetic
field which can reach up to magnitudes of about 4000 G. Becaiuggs strong magnetic field, the
magnetic pressure is also higher than in the QS, and ther#fiergas pressure is lower in order to
maintain pressure balance. Since the gas pressure is poobito density and temperature, these
two quantities are both lower in sunspots than in the QS. Vphidl temperature in a sunspot is
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Figure 1.11: Two observational images of the same sunsgdt.panel is a photospheric image, showing how the sunspot
“disturbs” the granulation pattern, taken at SST with an AWH 1 nm wide filter centered between the Ca H & K lines at
3954 A. Right panel is a chromospheric image taken with CRiSPRe line core ofHa.

3700 K, compared to the typical photospheric temperaturbs3600 K. This gives a radiative energy
flux of only 1.2 - 10'° erg cm~2 s~! which is about one fifth of the normal photospheric radiative
flux. Since the density in sunspots is smaller than in the Qf&se; the opacity is smaller as well, and
therefore, when we look at a sunspot, we see deeper into thth&a we do in the QS sun plasma. In
other words, sunspots are cavities on the Solar surface.

Sunspots appear in active regions, usually as pairs withgigppolarities, where the strong magnetic
field exits upwards from one sunspot, makes a loop and ertersdampanion sunspot. There are
single sunspots as well, e.g. a sunspot where the magndticiag exits the sunspot is spread into
all directions and reenters the surface in smalieres Since the Sun rotates from east to west (as
seen from Earth), we refer to the west-most sunspot in a stipsir as thdeading spotor p-spot
(preceding) and the east-most spot asftilewing or f-spot The appearance of sunspots follows 11-
year cycles which can be characterized by three (all engpjniales, formulated by Hale & Nicholson
(1938):

e Hale-Nicholson’s rule During one sunspot cycle, the majority of the leading sotspn the
northern hemisphere have the same polarity, while thergaslinspots on the southern hemi-
sphere have the opposite polarity. In the next cycle, alipixs are reversed. This givescdal
magnetic cycl®n 22 years

e Joy’s rule The center of gravity of the leading sunspot tends to liseldo the equator than
the following sunspot

e Sporer’s rule Sunspot groups tend to emerge at progressively loweudt#st as a cycle pro-
gresses. The latter rule is demonstrated in figure 1.12 asteetfly diagram”.
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Figure 1.12: A “butterfly diagram” showing the appearancesumspots as function of time and latitude, reprinted from
Major (2004)

Magnetic Fields in the QS Photosphere

Magnetic fields also play an important role in the QS photesphSince the intergranular lanes, as
well as the granules, are in constant motion, and since thiepi@ints of the magnetic fields which
emerge from the surface are concentrated in the lanes, theati@foot-points are also shifted around
on the surface. This can cause two initially vertical andafp@rmagnetic field lines to start twisting
around each other (which causes a tangential discontimuitye magnetic field known as a current
sheet, which will be discussed later in this chapter), angaa vertically propagating Poynting flux
which increases as the magnetic field lines are twisteddudhound each other. When the Poynting
flux propagates upwards, it will reach into the corona in thenf of twisted field lines. When the
magnetic tension forcgB - V)B, in the twisted field lines becomes too high, the field line# wi
break and reconnect, and the energy which was stored in teetilines is transferred into thermal
energy by dissipating currents into the surrounding meditihis rapid energy dissipation gives rise
to a powerful energy burst known asanoflare(Parker 1988). This is one of the leading ideas for
explaining the coronal heating.

1.2.4 Chromosphere

Above the photosphere lies tkbromospherggoing fromz ~ 100-200 km toz ~ 1.5-3.0 Mm (de-
pending on the local fluid dynamics) with a temperature thaieg slowly between 4000 K and 7000
K, but can reach below 2000 K in some extreme cases (Leenstaais 2011). This atmospheric
layer is transparent in the continuum of visible light, bahde studied in some spectral lines which
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Figure 1.13: Simulated intensity plot of the wings of chr@pleeric lines, showing the reversed granulation pattethen
lower chromosphere.

are produced mainly in the chromosphere. Khokhlova (19&@¢s that the chromosphere is opaque
enough at the center of the Ca Il H and K lines that most of tdeat@n we obtain from these line
centers are emitted in the chromosphere. Several scgef(stnikova 1978; Kneer & von Uexkuell
1985; Aquilano et al. 2003) have also used the lithe as a source of information on the chromo-
sphere. Studies of these lines has amongst other thinggeeMfie chromospheritetwork(shown in
figure 1.9) very clearly (Priest 1982). The lower chromosghs also characterized by tiheversed
granulation pattern shown in figure 1.13, which is an imprint of the underlyingugulation pattern,
but where the imprints of the granules is darker than theslaiseveral scientists have tried to find
an explanation for this, and the most recent and plausilpéanation, given by Cheung et al. (2007)
based on theories which dates back to Nordlund (1984),ssth& the horizontally moving gas in
the lower chromospheric region above a granule interioetgmks adiabatic expansion and radiative
heating. The former decreases the temperature in the gds, tiwb latter increases it toradiative
equilibrium temperaturestill lower than the temperature in the underlying grasul€he gas in the
region above an intergranular lane, on the other hand, godsradiabatic compression, because gas
from both sides come together, increasing the temperafthierefore, the temperature in the lower
chromospheric region above an intergranular lane is htttar the region above a granule interior,
leading to a higher intensity in chromospheric lines aldrgintergranular lanes.

In the chromosphere, the scale heights for the density anithdopressure both stay at 100 — 200

km. In the middle chromosphere,at- 1.0 Mm, the plasmaj is of order~ 1, but as the gas pressure
keeps decreasing rapidly with height while the magnetissaree decreases more slowly, the plasma
[ hence decreases with height anekis 1 in the upper chromosphere.

We can also gain physical knowledge about the chromopshesudlying limb features such as
prominencesand spicules Prominences are located in the corona, but consists ompldkat has
parameters comparable to those in the chromosphere (@eds§d ongbottom 1999), in other words,
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Figure 1.14: Image of a Sun including a large prominencesrtddy the Atmospheric Imaging Assembly (AlA) at the Solar
Dynamics Observatory (SDO) in the wavelength band centatrg864 A.

they are extensions of the chromosphere into the coronay Géme extend to heights over many
thousands of kilometers, and the largest that has beenvelosbas a height of 700 Mm. Figure
1.14 shows a prominence. Spicules are jets of plasma ejeoredhe chromospheric part of the QS
network and reach velocities between 20 and 300 km/s andeeah up to coronal heights (5-10 000
km) before fading or falling down. We distinguish betweer tiifferent kinds of spicules, namely
type |l andtype Il spicules. According to de Pontieu et al. (2007), type | dpEw@ppear to rise up
from the limb and fall back again. They have typical vel@stof 10-40 km/s, lifetimes of 3-7 min
and heights up to 5-6 Mm above the limb. These are created whetospheric oscillations and
convective motions leak into the chromosphere along magfiex concentrations (e.g. the magnetic
network) where they form shock waves that drive jets of pesipwards (Hansteen et al. 2006). The
same features exist on the solar disk where they are seetiesin the QS regions andynamic
fibrils in active regions, abovplage which are magnetic bright spots in the vicinity of sunspots
Type Il spicules start with upward motion, but then fade dpinstead of falling back, as seen in
the Hinode Ca Il H passband. They have typical velocities®L50 km/s and lifetimes of10-
100 s. Their typical heights can be up to 10 Mm in coronal holdsle they only reach 1-2 Mm in
regions above AR plage and something in-between above the@®®rk. On the solar disk, a similar
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feature is observed as rapid blue-ward excursions (RBEBpi€a Il 8542 A and H lines, according
to Rouppe van der Voort et al. (2009). It is very likely thapeayll spicules and RBEs are due to
magnetic reconnection, which may occur due to braidingrofhst magnetic field lines. According to
De Pontieu et al. (2009), type Il spicules are likable to m@asignificant role in coronal heating and
may represent the lowest lying nanoflares

1.2.5 Transition Region and Corona

Above the chromosphere is the narrtransition region where the temperature jumps from about
10* K to 10% K. The height where this region occurs depends highly on timspheric feature and
is highly dynamic in time. Examples are shown in figure 1.1Bjclw shows the temperature profile
in four selected columns in the modeled solar atmospheree HEight wherél’ = 10° K varies
from z = 1.7 Mm to z = 2.3 Mm, and the same result is also obtained while using data &tbm
columns in the simulated atmosphere and computing the @eenad standard deviation of the height
whereT = 10°. In all four columns used in figure 1.15, the temperature jsifinpm 3 - 10* K to

3 - 10° K in a height scale of~ 10 — 100 km and from3 - 10° K to ~ 10° K in a height scale
of a few megameters. This wide span of heights where theiti@nsegion occurs explains why
the transition region seemed much broader at the averageetatare profile in figure 1.8(a). The
density also changes rapidly in this region, but in the ottiection: it decreases fror0—!! g/cn?

to 10~1° g/cn?. The pressure only decreases slightly. The transitiorore mainly observed in
extreme ultraviolet(EUV) emission lines from He I, C III, &, O 1ll, O IV and O VI, since this
region is where the temperature is high enough for the aboeationed ionized states to be dominant
(Feldman et al. 2010).

The outermost layer of the solar atmosphere is known asdhena which comes from Greek and
means crown. Originally, this layer was only seen duringlarseclipse, where one could see it as a
white crown surrounding the darkened solar disk. Nowadeysynagraphs are used, i.e. telescopes
with a small occulting disc that creates an artificial soldipse for the observer, making the corona
viewable. The solar corona can also be viewed directlgaft X-rays because the contribution to
this radiation from the lower atmosphere is negligible €BriL982). The temperature in the corona is
more than 1 MK, and the density is of ordgi— 15 g/cm?. These facts bring us to the problem dealt
with in this thesisthe coronal heating problem

Finally, before going into the problem of this thesis, | hagprinted a two-dimensional sketch of the
QS atmosphere from Wedemeyer-Bohm et al. (2009), see figiie [t includes both granulation and
supergranulation as well as the magnetic network whichoid@s with the supergranular lanes. The
magnetic field lines are plotted by solid lines, and fieldsfrmeighbouring supergranular lanes come
together and form @anopy Magnetic fields with foot-points in the internetwork arefped with
dashed lines and forms small canopies as well. This is a welified illustration, and the structure
of the QS atmosphere becomes much more complicated in thmemsions, but the magnetic struc-
ture will still include a canopy above each supergranules figure also illustrates where features like
spicules and fibrils are generated.
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Figure 1.15: Temperature as function of height in 4 differeslumns in a numerical model of the Solar Atmosphere,
simulated with Bifrost, showing the different heights (im§lwhere the transition region occurs. The figure indicateatw
region in the photosphere each column is located around,teeeigh there is probably no 1-1 connection between that and
the height of the transition region. Upper panel shows amnsity plot of the photosphere, where the numbers showsawher
each of the for columns lies.
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supergranulation | Wedemeyer-Bohm et al. (2008) |

Figure 1.16: A two-dimensional sketch of the quiet-Sun aphere, reprinted from Wedemeyer-Béhm et al. (2009).

1.3 The Coronal Heating Problem

To understand the mechanism that heats the corona up to fmemelt MK is a problem that has
puzzled astronomers for more than sixty years. Severatiteebave been suggested and dismissed,
a few plausible models remain under scrutiny.

One traditional model suggests that the convection in thevexdion zone produces sound waves,
gravitational waves and magnetohydrodynamic (MHD) wavkgkvpropagates upwards and dissip-
ate their energy into the overlying atmospheric layersalt heen concluded that only Alfvén waves
can reach up to the corona, while the other waves are dissif@atd/or refracted before they reach
that far (Parker 1988).

Another theory which has been suggested by Parker (1988%exkon the idea that the (X-ray) corona
is a superposition of a large numberr@noflareswhich are tiny and intermittent impulsive bursts of
energy. Parker suggests here that nanoflares are gendrataay: Convective motion at the bottom
of the photosphere shuffles the magnetic foot-points arotihid may cause two near-lying magnetic
field lines which originally was vertical to twist around éauther. Tangential discontinuities will then
occur between neighbouring field lines, which generate®nusheets (Galsgaard & Nordlund 1996).
The strength of the current sheets increases with time thvetistressing of the twisted magnetic field
is high enough (just like a rubber band which is twisted to@h)uo cause the twisted field lines to
“break” and reconnect, releasing an impulsive burst of gnexhich is the nanoflare. The stressing
of the magnetic field which eventually bursts out in a naneftazcurs within widths comparable to
the diffusion length, which in the solar photosphere is afeorl0 m (de Wijn et al. 2009). This
mechanism for coronal heating has been a promising camditiat according to Aschwanden &
Charbonneau (2002), it seems that the energy dissipatdtk inkiserved distribution of microflares
and nanoflares is too small to be the dominating componenbotim observations and simulations,
however, we are restricted to a lower cutoff nanoflare enemggt when increased technology allows
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us to see nanoflares at even lower energies, we might seeificsighincrease of the heat input from
this mechanism.

Magnetic neutral line
along y-direction

Figure 1.17: Anxzz-outcut of a possible magnetic field configuration in the Q8asiphere, showing a magnetic neutral
point. The field is initially uniform in they-direction.

A third plausible candidate for the coronal heating is admehny of current sheets According to
Priest (1982), a current sheet is a tangential disconyirimithe magnetic field i.e. a non-propagating
boundary between two fluids, where the magnetic field on e@ehaf boundary is tangential to the
boundary, but may be oriented in different directions antiéwve different magnitude, generating a
current density = V x B/u. Current sheets are created in several ways in the solasptrace:

1) When the magnetic field is stressed due to convective mstiib collapses into tiny current
sheet (width of order 10 m), which eventually burst out in aoftare, as discussed earlier.

2) When topologically separate parts of a magnetic configurare pushed together (by the fluid
motion), this causes large gradients in the magnetic fieltttwleads to the generation of a
current sheet, which in this case may extend over severahmeigrs. If this happens in an
evolving AR field, asolar flarecan be generated

3) When discontinuities arise near a magnetic neutral flioiet current sheets can be generated
nearby this point/line (which can extend over several megjars). As an example, consider a
magnetic field in the:z-plane as shown in figure 1.17, which is initially unifornyjrdirection.

It features a magnetic neutral line, marked by the “+” symladbng they-direction. On the
different sides of the line, the fluid might have differenttions which might push the magnetic
field in different ways, so the magnetic field on opposite sidkthe neutral line will be tilted
in different directions. This give rise to tangential distiouities in the magnetic fields, i.e.
current sheet generation.

Galsgaard & Nordlund (1996) state that the formation of@nirsheets causes magnetic reconnection
which drives supersonic and super-Alfvénic jet flows, whigtther causes generation of smaller-

scale current sheets. This “hierarchy” of current sheetsngels to ever smaller size as the numerical
resolution increases, i.e. there might be large amountaroéiat sheets even thinner than the smallest
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(numerical and/or observational) resolution used in meotday which still needs to be discovered.
Therefore, the hierarchy of current sheets is a possibldidate for the coronal heating.

Gudiksen & Nordlund (2005) used numerical simulations tovsithat moving the foot-points of
the magnetic field in a way consistent with the observed #pdteric velocity fields leads to a heat
input in the corona that is within the observational limithe simulations did not deal directly with
nanoflares, but rather aab initio approach to the coronal heating, using only observed faots)
as the observed average velocity field and realistic magfietds in the photosphere, to compute
the heat input dissipated by this mechanism. Nanofiarean effect of moving magnetic foot-points
around in the photosphere, but even though nanoflares noghissipate enough heat into the corona
to account for the entire coronal heating, the mechanisrhufflsng magnetic foot-points might cause
other effects which together with nanoflares dissipate ficgrit amount of heat into the corona. The
exact amount of heat which is dissipated into the corona byimyadhe magnetic foot-points around
in the photosphere will depend on how complex the structtitkeophotospheric magnetic field is.

1.3.1 The Aim of this Thesis

The aim of this thesis is to study atmospheric models witfedéht magnetic field configurations in
the photosphere to see how this affects the heating of th@aorThe models that are studied rep-
resent regions in the QS atmosphere located along the pihaids internetwork, where the average
magnetic field strength (in the photosphere) is of order 100H& magnetic fields in the photospheric
internetwork are concentrated in the intergranular lamdge(e the fields can be more than 1 kG of
magnitude) and probably organized a pattern of upward-wnda@rd-oriented fields spread randomly
along the pattern of intergranular lanes (Socas-Navared. @004; Hasan et al. 2005; Wedemeyer-
Bohm et al. 2009). This pattern of upward- and downwardrbeie fields are often referred to as a
magnetic “salt-pepper pattern” (where the salts are thend@sd fields, while the peppers are the
upward fields). In this thesis will deal with different kind$ salt-pepper patterns in order to find a
correlation between the complexity of the photospheric meéig field and the amount and location of
heat dissipated into the corona.
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In order to study the coronal heating and its dependenceeofnidignetic field structure in the solar
atmosphere, we solve the MHD equations numerically for @ aflsolar atmosphere using the Bifrost
code, described in details by Gudiksen et al. (2011). Weewthié¢ MHD equations as

0

a_/t):_v,pu (2.1)

ag%:— “(puu—7) = VP+J x B+ pg (2.2)
uJ =V xB (2.3)
E=7nJ —uxB (2.4)

0B

E——VXE (2.5)
%:—V-eu—PV-u—i—Q (2.6)

wherep, u, e andB are the density, the fluid velocity, the internal energy dredhhagnetic flux density,
respectively.r, P, J, g, u, E,n andQ are the stress tensor, the gas pressure, the current density
gravitational acceleration, the vacuum permeability dieetric field strength, the magnetic diffusivity
and the heat input. The latter quantity usually containgsdvierms, e.g. Joule dissipation, viscous
dissipation, heating from Spitzer conduction and a ragidtieating/cooling.

In addition to the MHD equations, the temperatifi@and pressuré is related to the internal energy
e and densityp by anequation of statdEOS). A typical EOS is thédeal gas law P = %,
whereT is related toe and p with the equatiore = %% The ideal gas law is only completely
valid for a gas of randomly-moving non-interacting padgl It is a good approximation for relatively
high temperatures and lower densities (lower pressure)it liails for dense and cool gases where
interaction forces and molecular size become important ifibal gas law is generally not valid in
the solar atmosphere, because the gas hdeenal degrees of freedgnand in the models studied
in this thesis EOS tablesare used instead to compufeand P from e andp. The EOS tables are
generated with the Uppsala Opacity Package (Gustafssoh £#9%b6). To calculate atomic level
populations, the table generator assutoeal thermodynamic equilibriur(LTE). LTE is a condition
which includes several assumptions, but in few words it ra¢hat the state of the gas (i.e. ionization

degree, populations of the different excited states of ehemical element) can be described by
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only e (andp). Perfect LTE requiresletailed balance.e. each atomic reaction which takes place is
balanced by the exact opposite reaction, e.g. a specifiofhaitation of an atom have to be balanced
by the corresponding deexcitation. In the convection zphefosphere and chromosphere, LTE is a
good to middling approximation. In the corona, on the otheamdy LTE is not valid, so the state of
the gas must be described ate equationsfor each excited state of each element. However, the
calculation of the state of the coronal gas is simplified ley/ftiilowing fact: all upward transitions in
an atom (ionization, excitation) are (approximately) duedllisions, while all downward transitions
are due to radiation. To satisfy detailed balance, cotisidonization has therefore to be balanced by
radiative recombination, and collisional excitation ha&¢é balanced by spontaneous deexcitation.

Bifrost is built on several generations of previous nunarandes, amongst other the (Copenhagen)
Stagger Code (Nordlund & Galsgaard 1995) and Oslo Staggde (dartinez-Sykora et al. 2008,
2009). The main improvement from the older Stagger codesiftod is that instead of requiring
shared memory architecture (a system of multiple procesghich have access to one large block of
memory) as the older codes did, Bifrost is an MPI (Messagsifgs$nterface) parallel code able to
run on distributed memory architecture (a system where peatessor has its own private memory).

2.1 Spatial Discretization, Staggered Mesh

To discretize the spatial derivatives which occurs at thletrhand sides of the MHD equations, Bifrost
applies a sixth order accurate method, which calculatepantal derivative of a function by using

the three nearest neighbor points on each side. Startingeagsecific point, applying the derivative
operator will shift the evaluation point a half grid lengththe direction we differentiate with respect
to. The two possible shift directions and three spatial disiens gives us 6 different derivative
operators 9 (f(z,y,2)). E.g. the operator which returns the derivativefolvith respect tar,

[zy2]
shifted a halfzisterﬁorward in the x direction, is given by

o (fijk) Zfi'+%7j,k = (2.7)
a b c
E(fz‘ﬂ,j,k — fijk) + E(fi-i—Q,j,k — fic1jk) + E(fi—l—?),j,k — fic2jk), (2.8)
1 1 3

a==—b—c, b= c= (2.9)

2 16 ¢ 256"

while the operator which calculates the derivative a h@frbackwardin the z direction is given by

9y (fijk) :fi,—%,j,k = (2.10)
a b c

A_w(fi,j,k — fic1jk) + A—m(fz‘ﬂ,j,k — ficojk) + A_x(fi—l—Q,j,k = ficz k) (2.11)

(2.12)

Because of the half-point shifts which the derivative ofmsacause, we will also need six correspond-
ing interpolation operatoréf[:;yz}. E.g. the interpolation that shifts the evaluation pointaé-step
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forward in thez direction is given by

TH(figr) =fiss 0 = (2.13)
a(fijr + fix1jk) +0(fic1jk + fivo k) + c(ficojk + firsjk) (2.14)

1 3
a=1—3b+ b, b——ﬁ—Sc, =20 (2.15)

while the interpolation that shifts the evaluation pointadfistep backward in the direction is given
by

Ty (figk) =Ficyjn = (2.16)
a(fiv ik + fijr) +0(ficojn + firr ) + c(fimsjn + firojk)- (2.17)
(2.18)

As mentioned, Bifrost appliessiaggered mesliThis means the following: For each cube in the three-
dimensional Cartesian grid, we choose the location of tléuation points for the different variables
at strategic points at the cube in such a way that minimizesdied for interpolating. Therefopeand

e are volume centere® andpu are face centered, aftlandJ are edge centered, as shown in figure
2.1 (Nordlund & Galsgaard 1995).

@ Ey. Iy

@ Ez 1z

Figure 2.1: Sketch of the staggered mesh, reprinted frondiNiod & Galsgaard (1995Px, Py, Pz are here the compon-
ents ofpu, andl x, |y, | z the components qf.

2.2 Artificial Diffusion

With numerical approximations come different kinds of apgmation errors. Some of these errors
can be magnified for each timestep, and need tdifiesedaway in order to maintain a stable simu-
lation . Therefore, we need to includetificial diffusionterms on the right-hand sides of equations
(2.1)-(2.6). In general, a variablgx,t) (using only one dimension for simplicity) should have a
differential equation on the form

da 0 da
=t + 5 (05)). (2.19)
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where the first term on the right-hand side is the normal +igind side of the differential equation
(including spatial derivatives) while the second term s diffusive term. The diffusion coefficier?

is then defined in a way so it is large when the fluid acts in a whaigkvmight cause numerical errors
which increase in time, and otherwise small. In order to emshis, the diffusion coefficient must
consist of several terms, which we will have a look at in thet paragraphs.

One case where the truncation error grows rapidly in timehisma variable consists of variations with
wave-numbers near the Nyqvist wavenumlier, ky = 7/Ax, because the numerical propagation
speed of these waves decreases approaches, which gives rise to phase errors. Therefore,
the diffusion coefficient consists ofwaave viscosityerm on the formv,c; wherec; = B2+7P

is the speed of fast mode waves, andis of order 0.1. Thus, the diffusion coefficient mcreases
when very fast propagating waves arise. Since the phaseigtavge for wave-numbers near thg
and negligible for smaller wave-numbers, we want the difiserm to scale with the wavenumber.
If we use second order diffusive terms, the damping lengtiwiaves scales als~2, giving a wave
diffusion which, according to Nordlund & Galsgaard (1998pes not increase significantly with
the wavenumber. It can be shown that the next possible diffusrm that behaves qualitatively
correct is a fourth order diffusion operator. This gives avdamping length which scales &as?,
which ensures waves with wave-numbers nearto die out rapidly while waves with smaller wave-
numbers, which have negligible phase errors, can survivofger times. In order to have a fourth
order diffusive term, it is necessary to include a factorhia dliffusion coefficient which scales with
the third order spatial derivatives, and thereforguanching operators included, discussed later in
this section.

A second case which gives rise to numerical errors which gnotime is when physical properties
are advected with high velocities. To keep this advectiablst it is therefore necessary to include
anadvective viscositgn the formwv,|u|, wherev, is of order 0.5. This term is also multiplied by the
guenching operator in the expression for the diffusion fatieht, because the advection is generally
stable when the variations of the physical quantities infthiel are of small wave-numbers, while
variations of larger wave-numbers can more easily make-Wédbcity advection unstable.

A third case which might cause numerical errors to grow iswéteocks occur, especially when the
shock front has a width comparable to the numerical grid. site make sure that the shocks are
numerically resolvable, we includeshock viscosityerm, 15|V 1w, |, wherevs is of order 1.0.V}
denotes a first order gradient in thealirection, and . . . |- denotes the absolute value of theyative
contributions. In other words, the shock viscosity scaketha negative contributions to the velocity
gradients. This is because shock fronts always have lagggide gradients, since the velocity gradi-
ent in a shock front points in opposite direction of the di@t which the shock propagates. In this
way, numerically unresolvable shocks will be heavily dsffd until the width of the shock front is
larger than a few grid zones.

As already discussed, it is desirable to include a factohéndiffusion coefficient which scales with
the third order derivatives. Thereforegaenching operatois introduced, defined by

Azg
Qulg) =i (1220 (2.20)
91+ 7 |AZg]

whereA2 denotes a second order difference (proportional to a segerigative) between neighbor-
ing points in thex-direction, andmax,; denotes the maximum over the three nearest grid points.
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The factor which is put into the diffusion coefficient is givby Q.. (%), which scales as the third
derivative, going to 1 as the third derivative goes to zewbgwing to the maximum quenching number
gmax @S the third derivative gets big. In Bifrost, we ugg.« = 8.

Putting all the terms discussed above together, the catgtinguation (2.1) in one dimension with a
diffusive term is given by

dp 0 9

———(puz) + o

ap\ 9p
% = 92 vpAx (Vlcf + alu| + 1/3|A316um|,) Qux <—> —} (2.21)

Oz ) Ox

wherev, is a coefficient which scales the total mass diffusion, ugudlorder 0.1. For three dimen-
sions, we add similar diffusive terms where we if'®are replaced by’s andz’s. The diffusive terms

in the energy equation (2.6) are very similar. Theomponent of the momentum equation (2.2) with
the diffusive terms (I now take into account all three dimens because of the cross-terms between
the different dimensions) is given by

d(puy) 0O 0 0
at :a_x (’7'1-1- — pui — P) + 8_y (Tmy - pugpuy) + & (T:EZ - pumuz)
+(J x B) + pgs (2.22)
where
) 1,,. i 8u¢ aui -
PAT; (ylcf+1/2|u|+1/3|Aiu@|7) Q; (3%) 9z 1=
Tij = p [AU’C@' (ylcf + volu| + 1/3|AZ-1U¢|7) Qi (g;i) ?f;jf oy (2.23)
+ Az; (Vlcf + volul + Vs!A}Uj\—) Qj <ng) ng

for thei-th andj-th dimension.

We also have magnetic diffusion, which (irdirection) consists of the following two terms

A
it = ﬁ(”lcf + v2|ux|) (2.24)
Ax?
0 = v —|V1 -l (2.25)
™

wherePry; is the magnetic Prandtl number, that scales the ratio obusto magnetic hyperdiffusion.
Here,V, - u means the divergence of the component of the velocity whigterpendicular to the
magnetic field. The diffusion terms are put into the resespgart of the electric field in equation (2.4):

1 1

E® = {5 (04, () + na- (1)) + 5 (nP + 7722))} T (2.26)
1 1

E{ = {5 (14:(2y) + P aa(4y)) + 5 (12 +02) } Ty (2.27)
1 1

E{ = {5 (nVas (1) + Ve, (1)) + 5 () + n§,2>)} J: (2.28)
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2.3 Time Stepping

Equipped with the necessary diffusive terms in additiorh®derivative and interpolation operators
for the staggered mesh, we are ready to do the time steppmtgft-hand side of the MHD equations.
In Bifrost, this can be done two ways: A third-order Rungettumethod or a third-order Hyman
method. In this project, we use the Hyman method, descrilyedyionan (1979). It is a third order
predictor-corrector scheme modified for variable time stefiarting with

of
i F(t, f(t)), (2.29)

whereF (¢, f(t)) is the right-hand side of one of the PDE’s, solved with theva¢ive and interpola-
tion operators described in section 2.1, the predictor istgjven by

ol = arfai + (1= a))fo + biFy (2.30)

Then we calculate the right-hand sides of the PDE’s againsioyguthe “predicted” sqution;PT(:gl,

and we use the resulE,ﬁ’fgl to do the corrector step, given by

o1 = a2 fu1+ (1 —ag)fn + bl + Csz(Li)l (2.31)
where

ap =12 (2.32)
b1 = Atn+1/2(1 + ’I") (233)
ag =2(147r)/(2+ 3r) (2.34)
by = Atyiq/2(14+7%)/(2+ 3r) (2.35)
ca = Atypy2(1+7)/(2+3r) (2.36)

T = Atn+1/2/Atn_1/2 (237)
th =tn1+ Aty 12, tnt1 =1ty + Atyyq)o (2.38)

Finally, the length of the time-step itself is determineddeyeral limitations. First, we must make a
requirement that makes sure that information is only trarisp over a fraction of one grid length for
each time step, i.e.

(la| +cp)At/Ax < C (2.39)

which is known as the Courant condition, whérec C < 1. We useC' ~ 0.15 — 0.30 to make sure
the time stepping is inside the limits of stability.

We have similar conditions considering the diffusive terms

max(n, D) fAt/Az* < C (2.40)
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where f is a “safety factor” that depends on the expression usechéoguenching operator. In the
Hyman scheme that Bifrost useg, = 17.36. D is here the diffusive terms which occurs in the
equations for2?, 924 and %, given (for thez-component) as

Az (vicy + valul + 1/3|A316um|,) , (2.41)

while 7 is the magnetic diffusion™®) + 72,

Finally, Bifrost requires that

de
ot

dp
E‘/'O’

Je)At < C (2.42)

max (

which means that the timestep will be decreased ifstbee changes with a fraction higher thah

2.4 Boundary Conditions

Five different models have been evolved during this thegign the names C1x1, C2x1, C2x2, C4x2
and C4x3. All of them have boundary conditions which are lsintb those described by Martinez-
Sykora et al. (2008). The computational box, where a parhefQS atmosphere is modeled, is a
Cartesian grid with dimensions 6.6 x 8.3 x 15.8 Mm?, divided into256 x 128 x 160 grid points.
The box reaches from the upper convection zone, at a deptd Mrh below the photosphere (defined
to bez = 0) to a (coronal) height of 14.4 Mm above the photosphereydinl the upper convection
zone, photosphere, chromosphere, transition region ane() corona.

The boundary conditions for the four “side-walls” of the e determined bgeriodicity. To demon-
strate what this is, think that you are inside the box and @ftwards in thez-direction till you are
at the lastyz-plane in the box; then you go one step further in:ihdirection, out of the box, and you
find yourself in ayz-plane with the same physical properties as the fizsplane in the box. It works
the same in the-direction. In practice, this means that we can put severaies of the same com-
putational box side by side in they-plane without losing continuity. We'll then get a self-egting
pattern in thery-plane, and that is not a bad approximation of the quiet-8terrietwork inside one
cell in the magnetic network.

Non-periodic boundary conditions are implemented on upper lower boundary by adding ghost
zones beyond these boundaries and treating them accomimghosen boundary. The upper and
lower boundary have 5 ghost zones each. At the lower bounttaraverage temperature are main-
tained by keeping the inflowing entropy fixed. The boundamytierwise kept open to allow fluid to
enter and leave if required. The upper boundary is also kegr,dout with a temperature gradient set
to zero to keep conductive flux from leaving or entering tiglothis boundary. To avoid reflection
of outgoing waves that reach the upper boundary, charatiteeiquations are used in this boundary.
Except for the temperature, the hydrodynamic variableseir®y characteristic extrapolations in the
upper ghost zones. However, in some of the models the viditi@avelocity in the upper ghost zones
is ramped to zero instead of being extrapolated to maintalnilgy, see table 2.1.
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Handling ofu, in
upper ghost zone
C1x1 | Extrapolate

C2x1 | Extrapolate

C2x2 | Extrapolate

C4x2 | Flat

C4x3 | Flat

Model

U7

Table 2.1: Condition for the vertical velocity at upper bdary. More details about the different models are given it ne
section and next chapter.
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2.5 Initial Conditions

In the five models evolved during this thesis, the initial dition for the hydrodynamic variables
(density, fluid velocity, internal energy) are taken from ad®l which has already been running for a
while, evolved by Hansteen et al. (2010). The initial stnuetof the temperature, density, pressure and
vertical velocity are shown in figure 2.2. Lower boundary< —1.4 Mm) has an average temperature
of ~ 16 100 K, an average density 6f7 - 10~% g¢/cm? and an average pressuredf - 10° dyn/cm?,
Going upwards, we see a structure similar to the QS atmosjglescribed in the introduction, from the
upper convection zone, through the photosphere, chromospand transition region to the corona,
where both temperature, density and pressure are rejativelstant with height. The temperature is
around~ 0.8 — 1.0 MK in the uppermost last 5 Mm, and the density and pressuresdses only
slowly with height and reacti.2 - 10716 g¢/cm? and8.0 - 1072 dyn/cm? at upper boundary.

The fluid velocity in the sub-coronal zones is mostly of order—5 km/s, while the coronal velocities
are of order~ 10 — 20 km/s (only vertical component of the fluid velocity is platteere, but the
horizontal component behaves similarly). The velocityhia photosphere (figure 2.3(d)) and below
has a granular structure with upflows in granules and dowsfiavintergranular lanes. Temperature,
density and pressure also have a granular structure in titeggghere, as seen in figure 2.3, where the
temperature and pressure is higher in the granules thae ianles, while the density is highest in the
lanes.

The only quantity which is initially different from the Hateen et al. (2010) model is the magnetic
field. The aim in this thesis is to experiment with differeragnetic topologies and see how it affects
the coronal heating and temperature. Therefore the differedels have magnetic fields with dif-
ferent degrees of complexity. The initial magnetic fielddesthe modeled atmosphere is generated
by setting up an array for the vertical component of the magfield at lower field boundary, then
calculate the other two components of the magnetic field atd@olate each component into the
entire cube by usingotential field extrapolation

Setting up the Vertical Component of the Magnetic Field at Laver Boundary

The initial condition for the vertical magnetic compone#t,, at lower boundary in each of the five
models evolved in this thesis (in addition to a standard maelscribed later) is shown in figures 3.15
and 3.16 in the end of next chapter. In four of these modetsirtiiial condition for B, at lower
boundary looks like a “checkerboard” pattern, where thetevttiles” contains a circular concentra-
tions of downward-oriented magnetic fields, and the blagsdrmave equally strong concentrations of
upward-oriented fields. These circular concentrationsedical magnetic fields is referred to as mag-
netic polesin the rest of this thesis. The numbers after the C in the mioaele specifies how many
chess tiles there are in each direction. C2x1 has a magripttekat the lower boundary, composed
of two poles of oppositely oriented vertical magnetic fieldbile C2x2 has a magnetic quadrupole
at the lower boundary, and C4x2 and C4x3 have chess patteh® @nd 4x3 tiles of upward- and
downward-oriented fields at the lower boundary. All modedsena weak vertical background field
of ~ 1-10 G as well. The magnitude of the the magnetic field in thegpat lower boundary (in
the “chess tiles”) is set in a way so that the mean valuggf in the photosphere will be of order
~ 100 G. To ensure this, the models with magnetic fields of highemglexity needs higher magnetic
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field strengths in the poles at lower boundary. Model C1xlsdus contain any circular poles of
magnetic fields, but rather a magnetic field which is ingidlbmogeneous and vertical (i.e. one chess
tile), with a magnitude of- 100 G. The model is referred to as a magnetic monopole model. & bri
overview of the main differences in the initial magneticdels given in table 2.2.

No. of magnetic poles Mean distance betweenMax |B,| at
Model

at lower boundary poles at lower boundary lower boundary
Cixl1 | O — 100 G
C2x1l | 2 8.3 Mm 600 G
C2x2 | 4 6.3 Mm 1.35kG
Ci4x2 | 8 4.2 Mm 1.90 kG
C4x3 | 12 2.8 Mm 3.17 kG

Table 2.2: Initial properties of the different models

Potential Field Extrapolation

Knowing the vertical component of the magnetic field at loweundary, we calculate the Fourier
transform of this quantity as a function of horizontal wavenbersk, andk,. A curl-free magnetic
field (V x B = 0) is assumed, because this will yield the magnetic field candigon with the
lowest possible energy. Furthermore, the Fourier transfafreach component of the magnetic field
is set to decrease with height and horizontal Wavenumbe*r%@%*k%z, which means that small-scale
variations in the magnetic field will diminish rapidly witlelght, and only variations with wavelengths
comparable to the box size will be exist in the upper boundBnis exponential rule, together with the
curl-free field assumption, makes sure that we obtain agirere-free magnetic fiel@( B = 0) if we
neglect numerical errors. Using these assumptions, thedfdrtansformed horizontal components of
the magnetic field at lower boundary can be obtained, andttieeRourier transformed magnetic field
in all the above-lying layers. Finally, the inverse Fouti@nsform is applied to obtain the magnetic
field for each layer. Because of numerical errors in thisineythe magnetic field which is obtained is
not completely divergence-free, and therefore an additidh B-cleaning routine need to be applied
sporadically.



36

CHAPTER 2




RESULTS

The goal of this thesis is to gain more knowledge on how thé&gaf the solar corona is connected
to the complexity of the magnetic field in the photosphere. ilgVthe first chapter reviewed our
theoretical background about stars and the sun in pantjdelading to the problem investigated in
this thesis, and the second chapter described the numerathbd which is used in attempt to solve
that problem, the aim of this chapter is to analyze six défiféinumerical models of the QS atmosphere
in order to reach the goal of this thesis. One of these modeafsported from Hansteen et al. (2010)
and will be used as standard modellt is the model which Hansteen et al. refers to as B1, andllit wi
therefore have the same name in this thesis. The other fivelmbdve been evolved during working
with this thesis, and the results in each of those modelsagitompared to the results of the standard
model and finally compared to each other.

Below is a short list of terms which will be actively used dgrianalysis of the results and need
therefore to be defined:

e Magnetic poledefined as a concentration of a vertical magnetic field irptiwosphere (or the
lower boundary) oriented in one specific direction (upwamddownwards). Thus, the magnetic
field inside one magnetic pole is oriented either upward @amaeard, but not in both directions.

e Thecomplexityin the photospheric magnetic field (or sometimes just catedcomplexity in
the magnetic field): this term tells us about how complicdltedmagnetic field configuration is
in the photosphere. The complexity can be measured by megsiensity of magnetic poles
in the photosphere, or measuring thipical separation distanclketween magnetic poles in the
photosphere. The complexity is thus proportional to thenfarquantity and inversely propor-
tional to the latter. We distinguish between thiial complexity and theffectivecomplexity
of the magnetic field. The effective complexity tells us hoemplex the photospheric field
tends to be as the simulation stabilizes and is proportitm#ie initial complexity as long as
the typical separation distance between magnetic pole®tdget short enough to cause some
of the poles “drown” below the photosphere or merge togethtr another pole.

e Magnetic canopy in most parts of the solar atmosphere, the magnetic fields émerge
from the photosphere in separate regions connect togebmseahe photosphere in loops.
Wedemeyer-Bohm et al. (2009) refers to the region in the gpinere where those magnetic
loops occur as a canopy, a term originally introduced by @aft976). Magnetic loops also
occur in several of the models studied in this thesis, andughgermost height where those
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loops occur in this thesis is defined as tamopy height The region below a magnetic canopy
is referred to as theub-canopy regian

Current sheef{Galsgaard & Nordlund 1996), defined as a tangential digmoity in a magnetic
field, which can give rise to relatively strong currents. e tanalysis of the results, we dis-
tinguish between large-scale current sheets (currentshader than~0.5 Mm) and the tiny
current sheets~100 km) caused by the convective stressing of magnetic fieldsh eventu-
ally burst out as nanoflares, described below.

Hierarchy of current sheetsvhen a series of weaker current sheets arise near a strammgent
sheet, this is usually referred to as a hierarchy of curreeéts(Galsgaard & Nordlund 1996).
In this thesis, the term exclusively concerns large-scaleeat sheets. Theomplexity of the
hierarchy of current sheets tells us about how many weak current shiegtsare generated
nearby each of the strong “main” current sheets.

Nanoflare(Parker 1988): When near-lying magnetic field lines twigiuad each other due
to convective motion, the magnetic field get stressed. Wherstress becomes too high, the
twisting of the field lines collapses into a tiny current shehich eventually causes the twis-
ted magnetic field to reconnect. The reconnection dissheenergy originally stored in the
twisted lines into the surrounding medium in an explosivesbwhich is referred to as a nan-
oflare. It is not possible to detect a physical nanoflare itiqdar in these models, because
the stressing of the magnetic field which causes a nanoflatg®within widths comparable to
the diffusion length, which in the solar photosphere is afeorlO m (de Wijn et al. 2009). In
the code, however, the diffusion length is larger than the lgngth, which is about-60 km.
Therefore, a nanoflare in the models studied in this thedidb®/defined as the (relatively) tiny
burst with a width of order 100 km which occurs due to the sirgsof the field. In the models
where magnetic fields from below the photosphere conneetlteg above the photosphere in a
canopy, the generation of nanoflares is likely to be muchflesgient above this canopy than
below, because the fields above the canopy are both weakéesdirectly connected to the
convective motions in the photosphere. Thus, the cororaligedue to nanoflares are likely to
increase when increasing the height of the canopy (abovERhe

3.1 Presenting the Physical Properties of Interest

Below is a short description of the physical properties Whice analyzed in this thesis and how
they are presented. It includes both three-dimensionas$ plwo-dimensionaty-plots, “function-of-
time”-plots and “function-of-height”-plots. In all thredimensional plots, the photosphere is plotted
in as a plane at = 0 with a two-dimensional temperature plot showing the gratioh. The location

of the TR is also plotted in as the isosurface where’the- 0.1 MK. The purpose of plotting the
photosphere and the TR is to give the reader an idea of wherdiffierent regions of the modeled
atmosphere are located.
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3.1.1 Magnetic Fields

The magnetic field is is the only physical property which isiatly set to be different in each model.
Thus, each model is “identified” by its magnetic field confagion, and it is therefore natural to start
studying each model by having a look at its magnetic fieldsic&ithe initial magnetic fields are
put into the models by “brute force”, it needs some time (asie few minutes) to adjust itself into
equilibrium with the fluid dynamics, especially in the phepgbere and below, where the plasma
is high. Therefore, in most of the plots, the magnetic fieldsevaluated after a certain amount of
simulated solar time.

The magnetic fields in each model are presented in the fallpwiay:

e Three-dimensional plots of magnetic field lines are givdrgwsng what the magnetic fields
look like at the end of each simulation.

e Two-dimensional plots of the vertical component of thei@iagnetic field at lower boundary
are given, since this is the only free parameter (while tls¢ oé the initial magnetic field is
generated by potential field extrapolation), as discusses@étion 2.5. The resulting structure
of the vertical magnetic component in the photosphere-at30.0 min is shown in a similar
way. The plots can be found at the end of this chapter, in figgBr&b and 3.16.

e Horizontal averages of the (absolute values of the) véréind horizontal components of the
magnetic field, as well as magnetic field inclination and negigrenergy density, are evaluated
att = 30.0 min in each simulation. The plots can be found at the end sfdhapter, in figures
3.17 and 3.18.

3.1.2 Temperature Structure

Since we want to study how the coronal heating depends on #umnetic field configuration, it is
convenient to study the resulting temperature in each maddhe temperature structure in each model
are therefore presented the following way:

e Three-dimensional colour-plots of the temperature arergievaluated at the end of each sim-
ulation, plotted together with magnetic field lines.

e To see how the coronal temperatures evolves with time, theage temperature in the entire
region above: = 3.0 Mm is computed as a function of time. The plots can be founteehd
of this chapter, in figures 3.19 and 3.20.

e Histograms of the temperature as function of height arengiesaluated at the end of each
simulation. The plots can be found at the end of this chaptdigures 3.19 and 3.20.

3.1.3 Joule Heating

Joule heating, or Ohmic heating, is defined by

Q;=E.-J=nJ? (3.1)
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and is similar to the heating dissipated in electric ciuifwisting of magnetic field lines (due to
convective shuffling in the photosphere) and other tangkediscontinuities in the magnetic field can
transport energy from the photosphere to the corona threugient sheets (Galsgaard & Nordlund
1996). These current sheets dissipate energy in the forimudd heating to the surrounding medium,
sometimes in short bursts called nanoflares. ThereforeJdbke heating is the component of the
coronal heating which is likely to depend most on the magfetid configuration and will therefore
be studied in this chapter.

The average Joule heating is computed in five selected egibthe solar atmosphere, described
briefly below:

e Region 1:z = 0.5 — 1.0 Mm which is more or less thmiddle chromosphereln a very few
cases, the transition region might reach down to these tseigh

e Region 2:z = 1.0 — 1.5 Mm which is more or less thepper chromospherghough it might
contain some coronal matter in cases where the TR heightisthough.

e Region 3: being defined as the region where the temperatiretgeen20 000 and 300 000
K, this region represents generally tloever TR However, if the coronal model is cool enough,
this region might be the entire TR (or even include parts efdbrona).

e Region 4: being defined as the region where the temperatiehigeen300 000 and 700 000
K, this region represents generally tingper TR However, if the coronal model is cool enough,
this region will rather represent the base of the corona en d¢ve entire corona.

e Region 5:z = 3.0 — 12.0 Mm, i.e. the bulk of the modeled corona. It can contain fragtaef
the upper chromosphere (and TR) in the (few) cases whereRhedches above= 3.0 Mm.

The average Joule heating in these five regions are refanrad@gl), 32), 33), Q§4) and Q§5).
Time-evolution of these values is shown at the end of thipterain figures 3.21 and 3.22. These plots
are the most important results in this thesis, because tteeysed to study the correlation between
the complexity in the photospheric magnetic field and theltieg Joule heating in the chromosphere
and the corona.

Since Joule heating is closely related to current densitgetdimensional plots of the current density
are also given, evaluated at the end of each simulation. Titpope is to have a look at the resulting
current sheet structure in each model, since a hierarchyrodrt sheets is a possible coronal heating
mechanism (Galsgaard & Nordlund 1996). The current densityiven in the units of aypical
chromospheric current densijty}!, defined as the mean current density in the middle chromesphe
(z = 0.5—1.0 Mm) in the standard model, averaged over the time period thigephysical properties
of the standard model middle chromosphere have stabilized.

3.2 The Standard Model B1

3.2.1 Magnetic Fields

The magnetic field configuration in the standard model is shiofigure 3.1. In contrast to the models
simulated during this thesis, this model has relativelyotically organized magnetic fields. Below



RESULTS 41

Figure 3.1: Three-dimensional plot of the magnetic fieldhia $tandard model, evaluatedtat 60.7 min. The horizontal
plane with the granulation pattern marks the location ofghetosphere, while the above-lying curved surface maris th
center of the TRY = 10° K).

the photosphere, the magnetic fields are concentrated w efelomly located poles of upward- and
downward-oriented fields. Above the photosphere, fieldsfiloe different poles bend outwards and
connect together in loops. The loops are located all froimt @gpove the TR up to heights 6f10 Mm
above the photosphere.

A closer look on the vertical magnetic field in the photosphsrgiven in figure 3.15(b). The poles of
upward- and downward-oriented fields are concentratedeimtiergranular lanes, while the granules
are almost magnetically neutral. This cutout of the phdtesp contains 5, maybe 6, magnetic poles,
separated by typical distances of 4-5 Mm.

The horizontal averages of the vertical and horizontal camept of the magnetic field at= 30.0 min,

as well as the inclination of the magnetic field relative te tlertical axis and the magnetic energy
density, are plotted in figures 3.17 and 3.18 at the end ottiapter. The vertical magnetic component
is of order 200 G near the lower boundary and decreases wightite less than 1 G near the upper
boundary. The horizontal component decreases more sloittyheight, going from about 150 G at
lower boundary te- 2 G at the upper boundary, but with a slight increase nearhitbopphere, where
the field inclination is relatively high due to the fact thia¢field is constantly shuffled around by the
convective motion. The field is more or less horizontal nearupper boundary, since the field here is
characterized by the top of magnetic loops. The magnetiggriensity decreases with height, going
from about~ 0.5 erg cm 2 at the lower boundary te- 1075 erg cm ™~ at the upper boundary.
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3.2.2 Temperature Structure

Figure 3.2(a) shows a three-dimensional colour-plot oftémeperature together with the magnetic
field structure in the standard model. This is a relativelyyrhodel with much activity. The corona
has temperatures of ordef.4-1.8 MK with some cooler coronal loops#f..0 MK which are aligned
with magnetic loops. The cooler loops can possibly be cabgazboler gas from below the corona
(where the temperature alsoAgl.0 MK) which is transported up along the magnetic loopsheyt
can be caused by radiative cooling. A large heating evett aviemperature rising to 1.9 MK occurs
right above the TR, near one of the side-walls, as seen ingfigi(a). Only one of the five models
evolved in this thesis (C2x1) has a high level of coronalvdgticomparable to this model, but even
that model has a simpler coronal structure than this (eveuagth that model obtains much hotter
corona).

As shown in 3.19(a), the mean temperature in the coronasstastind 0.9 MK and increases with

time and ends up near 1.5 MK after 60 min (where it possiblgiktas). The temperature histogram
in figure 3.19(b) shows that the height of the TR varies alifrabout 1.2 Mm to 2.5 Mm above the

photosphere. The temperature profile below the TR behavés agi expected: the temperature in
the chromosphere ranges from 2000 K to 6-7000 K, while theégapheric temperature ranges from
5000 K (intergranular lanes) to 8-9000 K (granules), andehgperature right below the photosphere
is higher than 10 000 K, increasing nearly adiabaticallyhwli¢pth.

3.2.3 Joule Heating

From the time-evolution plots of the mean Joule heating efibe selected regions in this model,
given in figure 3.21, we see first that the Joule heating in memospherngl) and Q(f) for the
model B1) starts at a relatively low value, increases rgpidithe first 15-20 min (more or less),
then decreases during the next 5-10 min until it stabilizesirad 0.055 ergs' cm~2 in the middle
chromosphere and 0.02 erg!scm™3 in the upper chromosphere. The Joule heating in the@@(

ande{l)) increases in the first 5-10 min before it stabilizes at ado®23 erg s' cm~? in the lower

TR and 0.014 ergs cm™3 in the upper TR. The coronal Joule heatir@gs()) increases in the first

5 min and stabilizes around 0.011 erg €m—3. These results will be used to compare with the results
from the models evolved in this thesis.

A three-dimensional colour-plot of the current density lilstmodel is given in figure 3.2(b). The
region where the large heating event occurs (as mentioratlysin the temperature section) seems
to generate current sheets with currents of chromosphezia¢latively high) values. Weaker current
sheets do also occur nearby these strong current sheetse aithter regions of the corona, it is hard
to detect single current sheets, probably because theichlobrganized magnetic fields generates a
superposition of many chaotically current sheets, whishilts in a very chaotic current structure.
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(a) B1, temperature and magnetic fields at 60.7 min. NOTE: Different colour scaling than
in the temperature plots for the other models.

(b) B1, current density relative to the typical chromosjiheurrent density,//J5%, att =
60.7 min. Current densities much higher than the peak value sghit occurs near the TR
and below, but is ignored to make theronal currents more visible.

Figure 3.2: Three-dimensional plot of (a) temperature andmetic field and (b) current density in the standard moded. T
horizontal plane with the granulation pattern marks thation of the photosphere, while the above-lying curvedasaf
marks the center of the TR(= 10° K).
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Figure 3.3: Three-dimensional plot of the magnetic field imdel C1x1, evaluated at= 35.0 min. The horizontal plane
with the granulation pattern marks the location of the phpbere, while the above-lying curved surface marks thescent
of the TR (defined here & = 50 000 K).

3.3 The Magnetic Monopole Model C1x1

3.3.1 Magnetic Fields

The magnetic field in this model is initially homogeneous &edical, and, as shown in figures 3.3
and 3.15(d), it remains fairly stable through the entireudation, except for the region around the
photosphere and below, where the magnetic field is forcedth intergranular lanes and shuffled
around due to convective motion.

Figure 3.17 shows that the vertical magnetic component i®rapless about 100 G in the entire at-
mosphere, which is half the corresponding value in the stahchodel lower boundary and more than
100 times that in the standard model upper boundary, makisgrodel the one with the strongest
(vertical) magnetic field in the corona (as well as the mod# e smallest level of magnetic activ-
ity). The horizontal component (figure 3.18) has values canalple to the vertical component below
the surface but decreases rapidly with height until it is fgsn 1 G at upper boundary. This model
is also the one with the smallest magnetic energy densityedbiver boundary (about a third of that
in the standard model) and the largest magnetic energytgenghe corona{ 0.02 erg cm™3, i.e.
about 2000 times the value at the standard model upper bogrdige to the uniformly strong coronal
magnetic field.
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3.3.2 Temperature Structure

As one can see in figures 3.4(a) and 3.19(d), this model endsto relatively low coronal temper-
ature, ranging between 0.08 and 0.4 MK. As in the other motiedsmean coronal temperature starts
at about 0.9 MK, but decreases slowly with time and is abot MK after 30 min before it suddenly
drops below 0.2 MK within the next 5 min (figure 3.19(c)). Thtlse corona ends up with a mean
temperature of less than 1/7 of what the standard model abtemperature reaches. The height of
the TR is more or less constantly located around 2.0 Mm abdw@hotosphere, with deviations no
larger than about 200 km. The chromospheric temperatures &lao a smaller range than in the
standard model, from about 3000 K to 5-6000 K. Below the clugphere, the temperature behaves
in a manner quite similar to the standard model temperature.

3.3.3 Joule Heating

From the time evolution plots of the Joule heating in the fiekested regions in this model, given
in figure 3.21, one can see that the Joule heating in eachnretaots with the same values as in the
standard model. In the middle chromosphere, the Joulerfueddicreases rapidly the first 2-3 min and
stabilizes around.015 erg s—! cm™2 which is slightly more than 1/4 of that in the standard model.
The Joule heating in the upper chromosphere decreases @rerrapidly within the same time and
stabilizes around onlye 10~% erg s=! em™3 (less than 1/200 of that in the standard model). The
TR Joule heatingQ(J3)) stabilizes around- 1075 erg s~ cm 3 after 5 min, and the coronal Joule
heating (botrQ(J4) andQ(f’) in this model) stabilizes around 1.7 - 107° erg s~ cm ™3 after 20 min
(~1/1000 of that in the standard model). The fast stabilimatibthe Joule heating is probably due
to the relatively low level of magnetic activity in this mddé& his model is clearly the one which has
the lowest amount of Joule heating in all regions of the apheee, having almost no Joule heating
in the TR and the corona. This is not unexpected, since ansptneoe with an almost homogeneous
magnetic field will have very little magnetic activity whiacan generate Joule heating. Because of
the shuffling of magnetic fields in the photosphere, a smatitver of nanoflares per time unit will
probably be generated, but not enough to heat the coronatamperatures above 1 MK.

As shown in figure 3.4(b), no generation of large scale ctishaets (>0.5 Mm) seems to be present
in this model, only some vertical arms of weak currents whezch from the chromosphere and into
the corona. These arms are probably a superposition of) @unyent sheets due to the convective
twisting of the magnetic field which eventually burst out amoflares.

3.4 The Magnetic Bipole Model C2x1

3.4.1 Magnetic Fields

This model is a bipole model, which means that this atmosphmrx has two poles of (almost)
vertical magnetic fields which go from lower boundary throyzhotosphere and bend out into the
chromosphere and corona, as seen in figure 3.5 (and 3.14dpnetic field lines from the innermost
sides of the two poles (the sides which faces the center dfdkgloop together in the chromosphere,
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(a) C1x1, temperature and magnetic fields at 35.0 min.
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(b) C1x1, current density relative to the typical chromasjh current density,//J55,
t = 35.0 min. Current densities much higher than the peak value kit occurs near the
TR and below, but is ignored to make tberonal currents more visible.

Figure 3.4: Three-dimensional plot of (a) temperature ardjmatic field and (b) current density in model C1x1. The
horizontal plane with the granulation pattern marks thetion of the photosphere, while the above-lying curvedasaf
marks the center of the TR (defined herelas- 50 000 K).
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Figure 3.5: Three-dimensional plot of the magnetic field imdel C2x1, evaluated &at= 40.0 min. The horizontal plane
with the granulation pattern marks the location of the phphere, while the above-lying curved surface marks theecent
of the TR (" = 10° K).

while field lines a bit closer to the center of each pole loggetber in the corona. Field lines which
emerge in the photosphere near the centre of each pole doaptdgether, but keep going upwards
(but not entirely vertically) through the corona. Fielddsat the outwards facing side of each pole
loop together with field lines from poles outside this boxr{eanber that this box is periodic in the
horizontal directions). The magnetic loops reach up to #weopy height which in this model is
located about 5.6 Mm above the photosphere. Fields whichotidoop together in the canopy, or
in the sub-canopy region, continue upwards (but not exaltyically) through the corona. Right
above the pole to the right in figure 3.5, there imagnetic neutral lingoing in they-direction (i.e.
the horizontal direction parallel to the shortest side)watthich, as we will see later, generates strong
current sheets and heats the corona very rapidly.

As seen in figures 3.17 and 3.18, both the vertical and hdataomponents of the magnetic field at
the lower boundary are approximately 200 G on average imeostithe same as in the standard model
(the horizontal component is just a bit larger here). Thema#ig energy at the lower boundary is thus
only slightly larger than in the standard model. Since aificant part of the magnetic fields which
emerge from the photosphere loop together in the sub-carempyn, the coronal magnetic field (es-
pecially above the canopy) is much weaker in this model thaheé magnetic monopole model while
the mean magnetic field in the photosphere is almost equadigigsin all models. More specifically,
the magnetic field at the upper boundary in this model has erggmiensity of- 4.0 erg cm ™2 which

is 1/5 of that in the magnetic monopole model, but still 400e$ that in the standard model.
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3.4.2 Temperature Structure

As seen in figure 3.6(a), this model obtains a much warmemeottean all the other models, reaching
a mean temperature of 2.8 MK after 40 min (figure 3.19(e)), revlieseems to start stabilizing, i.e.
almost twice the mean temperature which the standard madained after 60 min. The peak tem-
perature occurs around the magnetic neutral line, merdionthe discussion of the magnetic fields,
which is likely to be the main generator of coronal heatinthis model. Apart from this, the temper-
ature is higher than 1.7 MK in the entire corona, more or lagd, higher than 2.5 MK at all heights
abovez =5-6 Mm.

The location of the TR seems to be slightly aligned with thevablying magnetic loops, and the TR
height, according to figure 3.19(f), varies from about 1 M2 & Mm above the photosphere (similar
to the standard model, except that the TR height in the stdrdadel varies more randomly with
andy). The temperature profile below the TR is similar to that ef skandard model.

3.4.3 Joule Heating

By studying the time evolution of the Joule heating in thisd@lpas given in figure 3.21, we see first
that the Joule heating in middle chromosphere increasédiwie during the first 10 min and stabilizes
around0.04 erg s~! cm~3 i.e. slightly more than 2/3 of that in the standard modelhmabove-lying
zones, the Joule heating is still increasing at the end efdimulation at = 40 min. At that point,
the Joule heating in upper chromosphere and(;yg@o are both aboud.03 erg s~ cm 3 i.e. slightly
larger than the corresponding values which the standardehstabilized around. The Joule heating
in the corona is at this point aboi03 erg s~! cm =3, which is almost three times the corresponding
stabilization value in the standard model. Ideally this elahould have run for a longer time, but
because of a growing numerical error and a lack of time to f énror, it was necessary to stop the
simulation after 40 min of solar time. However, it is cleathat the Joule heating in the regions above
middle chromosphere grows faster in this model than in arip@bther models.

Figure 3.6(b) shows that this models has a lot of relativelyng currents in the corona. The region
around the magnetic neutral line generates currents of il@gncomparable to the chromospheric
currents, and large and relatively strong current sheetsoed green in the figure) comes out of this
region, heating the corona to higher temperatures than faimg @ther models. All in all, this model
seems to have coronal currents of magnitudes comparakhatoftthe standard model, though not
so randomly organized.

3.5 The Magnetic Quadrupole Model C2x2

3.5.1 Magnetic Fields

This model has a photospheric magnetic field which is “twee@mplex” as in the previous model,
as seen in figure 3.7 (and 3.15(h)), being concentrated ire$ pd almost vertical fields which bend
out above the photosphere and connect together in loopkingaap to the canopy located about 3.4
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(a) C2x1, temperature and magnetic fields &t 40.0 min.

(b) C2x1, current density relative to the typical chromasjh current density,J/J5%, at
t = 40.0 min. Current densities much higher than the peak value géghit occurs near the
TR and below, but is ignored to make tberonal currents more visible.

Figure 3.6: Three-dimensional plot of (a) temperature argmetic field and (b) current density in model C2x1. The
horizontal plane with the granulation pattern marks thation of the photosphere, while the above-lying curvedasaf
marks the center of the TR(= 10° K).
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Figure 3.7: Three-dimensional plot of the magnetic field imdel C2x2, evaluated &at= 65.0 min. The horizontal plane
with the granulation pattern marks the location of the phphere, while the above-lying curved surface marks theecent
of the TR (" = 10° K).

Mm above the photosphere (lying close to the TR). Above tm®gpg the magnetic field is more or
less vertical.

According to figures 3.17 and 3.18, the magnetic field at theefdooundary has a vertical component
slightly larger than in the standard model 50 G) and a horizontal component almost twice that
in the standard modek{ 300 G), yielding a magnetic energy about twice as large as intdredard
model ¢~ 1.0 erg cm—3). The average photospheric magnetic field is approximatglally strong as

in the other models. Because this model has an even more epmipbtospheric (and chromospheric)
magnetic field than the previous model, more of the magnetid fines which emerge from the
photosphere loop together, resulting in an even weakemabrmagnetic field, with a mean energy
density of~ 1.073 erg cm ™3 i.e. 1/4 of the corresponding upper boundary value in thelbipodel,
but still 100 times that of the standard model (which has weeak magnetic fields at the upper
boundary).

3.5.2 Temperature Structure

This model gets a much cooler corona than the bipole modskas in figure 3.8(a). Figure 3.20(a)
shows that the mean coronal temperature decreases sltphtlfirst 15 min and increases slowly
with time during the next 20-30 min. Then, the temperatureases more rapidly and is about
1.80 MK after 65 min and still growing rapidly. Thus, this nebdhas a mean coronal temperature a
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(a) C2x2, temperature and magnetic fields at 65.0 min.
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(b) C2x2, current density relative to the typical chromasjh current density,J/J5%, at
t = 65.0 min. Current densities much higher than the peak value géghit occurs near the
TR and below, but is ignored to make tberonal currents more visible.

Figure 3.8: Three-dimensional plot of (a) temperature argmetic field and (b) current density in model C2x2. The
horizontal plane with the granulation pattern marks thation of the photosphere, while the above-lying curvedasaf
marks the center of the TR(= 10° K).
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bit higher than that of the standard model after 60 min (d&ls than the coronal temperatures the
bipole model reaches after 40 min), and it increases moidlyagnd will presumablystabilize at a
higher significantly coronal temperature than the standavdel (but that requires further simulation
to be confirmed). As seen in figure 3.20(b), the height of thevaiRes mostly between 1.2 Mm and
2.5 Mm above the photosphere, being especially high neacahepy above two of the poles and
slightly aligned with the magnetic loops in the sub-canopgion. However, at the time this three-
dimensional snapshot is taken, the TR height seems to rgeichdu0 Mm above the photosphere near
one of the poles. Below the TR, the temperature behavesasiyib the standard model temperature.

3.5.3 Joule Heating

From the time evolution of the Joule heating given in figurgl3we see that the Joule heating in
middle chromosphere increases with time for 5 min until @bdizes around).05 erg s~ cm™3,
which is slightly less than in the standard model. In bothupper chromosphere and lower TR, the
Joule heating increases for about 25-30 min and stabiliz®sd0.015 erg s~ cm~3, i.e. slightly
less than in the standard model. Since the coronal tempesatiiays lower than 0.7 MK for the
first 45 min, region 4 represents the entire corona in thaibgewith a Joule heating less than
0.002 erg s~ ! ecm™3. As soon as the coronal temperatures gets higher than 0. Al#<egion rep-
resents the upper TR, having a Joule heating abdterg s~ cm—2 after 65 min and increasing
rapidly. The coronal Joule heating increases constantly tivhe and is aboud.0003 erg s~! cm ™3
after 65 min, i.e. less than 1/3 of that in the standard modeéis simulation should ideally have
run for a longer time to see which values the Joule heatirgligies at. However, we can conclude
that this model obtains a much less coronal heating thantéimelard model and the magnetic bipole
model, but still more than the monopole model.

Figure 3.8(b) shows that this model has a well-organizedfsetrtical current sheets. A few current
sheets go diagonally between the regions above two of thesiipdying magnetic poles (with the
same polarity), and from these poles, current sheets alsliagonally out of this box towards other
poles with the same polarity (remembering the periodicityhe box), while poles of the opposite
polarity will lie in-between these current sheets. The enrrsheets are weaker than those seen in
the bipole model, and they also have a simpler structuregtwimay be a reason why this model has
much less coronal heating. Along each current sheet, the&lvertical) magnetic field on one side
of the sheet is tilted in a slightly different direction than the other side, as seen in figure 3.9, which
give rise to the strong currents inside the sheet. Closdysiaaf the time evolution of the current
density reveals that a series smaller (and weaker) curhergts appear from time to time (but not
constantly) nearby and parallel to current sheets seeni®fidhre, i.e. a hierarchy of current sheets.
The hierarchy of current sheets are shown in figure 3.14.
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By, t= 30.0 min; z

Figure 3.9: The horizontal components of the magnetic figldgsured in gauss) in C2x2,= 9.7, t = 30.0 min. The
magnetic field behaves more or less like this throughout ¢mlena. Some of the current sheets are marked with dashed
lines.

Figure 3.10: Three-dimensional plot of the magnetic fielchimdel C4x2, evaluated at= 80.0 min. The horizontal plane
with the granulation pattern marks the location of the phpbere, while the above-lying curved surface marks thescent
ofthe TR (T’ = 10° K).
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3.6 The Magnetic 8-pole Model C4x2

3.6.1 Magnetic Fields

Again, we double the photospheric magnetic complexity efgfevious model to get this model with
8 poles of vertical magnetic fields in the photosphere, as sefigures 3.10 and 3.16(b). Above the
photosphere, the fields from the different poles bend outcamihect together in loops reaching up
to the canopy which here is located at 3.8 Mm above the phb&sep which is higher than in the
previous model, despite the shorter mean separation destsgtween poles in the photosphere. Thus,
the canopy is slightly above the transition region. As inghevious model, the magnetic field above
the canopy in this model is more or less vertical.

According to figures 3.17 and 3.18, the lower boundary festar magnetic field even stronger than
in the previous models, with an energy density more than 8githat of the standard model (i.e.
~ 1.5 erg cm™3). Again, the average photospheric field is approximatelyaély strong as in the
other models, but the magnetic complexity which is evendrighan in the quadrupole model results
in an even weaker coronal magnetic field, with an energy temasithe upper boundary of order
10~%erg cm ™3, i.e. 1/10 of that in the quadrupole model and 10 times th#tiérstandard model.

3.6.2 Temperature Structure

The coronal temperature in this model decreases slowhngutie first 20-25 min before it starts

increasing and is about 1.75 MK and still increasing aftem@f, as seen in figures 3.11(a) and
3.20(c). Comparing how the coronal temperature evolvasia in this model to the previous models,
this model is likely to end up with a higher coronal temperatthan than the standard model, but
lower than the bipole and quadrupole models (unless thedmte in the quadrupole model stops
increasing before this model does). The height of the TResdoetween 1.2 Mm an 3.5 Mm above
the photosphere, although it is mostly lower than 3.0 Mm. TEmeperature in the region below the
TR behaves similar to the standard model temperature.

3.6.3 Joule Heating

From the time evolution of the Joule heating in figure 3.22,s&e that the heating of middle chro-
mosphere increases the first 10-15 min and then stabilizasmdn.06 erg s—! cm™3 i.e. slightly
more than in the standard model. The heating of the uppenasphere increases during the first
40-50 min and ends up abo0i025 erg s~! cm ™3 after 80 min, i.e. similar to the value which the
standard model stabilized around. The TR Joule heating&sess throughout the entire simulation
and ends up aboux022 erg s~ cm ™3 in the lower TR and aboui.020 erg s~! cm ™3 in the upper
TR after 80 min (i.e. similar to that in the standard modeldoWR and a bit more than in the stand-
ard model upper TR). The coronal Joule heating increasegfaisughout the simulation, ending up
about0.00025 erg s~! cm ™3, i.e. 1/4 of that in the standard model.

From figure 3.11(b), we see that this model obtains a curtegtsstructure very similar to the quad-
rupole model, but because of the shorter distances betwwegiotes of magnetic fields which emerge
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(a) C4x2, temperature and magnetic fields &t 80.0 min.

0.01

0.009
0.008
0.007
0.006

— 0.005
0.004
0.003
— 0.002

— 0.001
0

(b) C4x2, current density relative to the typical chromasjh current density,//J5%, at
t = 80.0 min. Current densities much higher than the peak value géghit occurs near the
TR and below, but is ignored to make tberonal currents more visible.

Figure 3.11: Three-dimensional plot of (a) temperature magnetic field and (b) current density in model C4x2. The
horizontal plane with the granulation pattern marks thation of the photosphere, while the above-lying curvedasaf
marks the center of the TR(= 10° K).



56 CHAPTER 3

Figure 3.12: Three-dimensional plot of the magnetic fielthivdel C4x3, evaluated at= 80.0 min. The horizontal plane
with the granulation pattern marks the location of the phpkere, while the above-lying curved surface marks theecent
of the TR (" = 10° K).

from the photosphere, the distance between the currentsshee correspondingly shorter. Closer
studies of the time evolution of the current sheets reveat tiiis model does not get as complex
hierarchy of current sheets as the quadrupole model dodghe&nmay explain why this model has
significantly less coronal heating. The structure of curgdreets are shown (and compared to the
quadrupole model) in figure 3.14

3.7 C4x3, a Model with (initially) 12 Magnetic Poles

3.7.1 Magnetic Fields

This model has initially 12 poles of vertical magnetic fieatshe lower boundary, as seen in figure
3.16(c), and, as in the other models, these poles reacteshimtphotosphere where the magnetic
fields are forced into the intergranular lanes, and folldvessame pattern for a while (figure 3.16(d)).
However, because the separation distance between the ticagoles are almost comparable to the
granule size, one of these poles seems to disappear atehstiages of the simulation, and another
becomes quite weak. Additionally, because of the peribdiaf the box, one or two of the poles
which lies near one of the side-walls in the-plane (i.e. the two largest side-walls) seems to merge
more or less together with poles of same polarity near theofipmsite side-wall. That gives this
model aneffective complexitin the photospheric magnetic field which is slightly lowearnhin the
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previous model. As seen in figure 3.12, magnetic fields froendifferent poles connect together in
loops reaching up to the canopy which in this model is loc&&dvim above the photosphere. As in
the previous two models, a weaker vertical magnetic fielebrebove the canopy.

As seen in figured 3.17 and 3.18, the magnetic field at lowendary is even stronger than in the
previous model, with an energy density more than 4 timesithite standard model. The field gets
weaker with height, with the photospheric field being on agerequally strong as in the other models,
but with a coronal field which is stronger than in the previousdel and only slightly weaker than
in the quadrupole model, with an energy density about 604githat in the standard model. The
reason this model gets a stronger coronal field than the 8+poldel is probably because this model
has an initial density of magnetic poles which is so high th&rger fraction of the field is forced
to continue vertically through the corona than in the 8-puledel. Thus, the coronal field strength
does not decrease monotonically with the complexity of tlagmetic field in the photosphere (while
the average photospheric field strength is kept constamt),elaches a minimum value for a certain
complexity (near that of the 8-pole model) before it incemawith complexity.

3.7.2 Temperature Structure

From figure 3.13(a), 3.20(e) and 3.20(f), we can see thatngsithose models which have a magnetic
complexity (i.e. all except the magnetic monopole modéiljs is the one which has the coolest

corona, reaching coronal temperatures between 0.8 MK @niiK.and a mean coronal temperature
of approximately 0.9 MK after 80 min, which is about 3/5 of thean temperature which the standard
model corona obtains after 60 min. The height of the TR varas/een 1.5 Mm and 3.5 Mm above

the photosphere, although it is mostly lower than 3.0 Mm. i\the other models, the temperature
profile below the TR behaves mostly similar to that of the déaid model.

3.7.3 Joule Heating

From the time evolution of the Joule heating in this modelegivn figure 3.22, we see that the
heating of the middle chromosphere increases with time teeXb min and then stabilizes around
0.055 erg s~ cm ™3, similar to the heating rate in the standard model middl@miusphere. The
upper chromosphere has a heating rate which increasesefdirgsh 30 min, then stabilizes around
0.015 erg s~ cm™3 i.e. slightly less than in the standard model. The heatinthefTR increases
slowly with time through the entire simulation (ignoringnse oscillations) and ends up around
0.015 erg s~ cm ™2 in the lower TR (half of that in the standard model) and aba0025 in the
upper TR (1/5 of that in the standard model). The coronalihgancreases very slowly with time,
ending up aboud.0001 erg s~ cm 3 i.e. 1/10 of that in the standard model.

Figure 3.13(b) shows that the corona in this model also hasietsre of vertical current sheets that

is similar to that in the previous model. Closer analysishef ¢urrent sheets in this model reveals a
hierarchy of current sheets almost as complex as in the gpaldr model. However, that analysis (not

shown in any figure here) also reveals that the currents inuhent sheets tend to be weaker, which
may explain why this model has a lower coronal heating thah bbthe previous two models.
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(a) C4x3, temperature and magnetic fields &t 80.0 min.
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(b) C4x3, current density relative to the typical chromaajh current density,//J5%, at
t = 80.0 min. Current densities much higher than the peak value éghit occurs near the
TR and below, but is ignored to make tberonal currents more visible.

Figure 3.13: Three-dimensional plot of (a) temperature magnetic field and (b) current density in model C4x3. The
horizontal plane with the granulation pattern marks thation of the photosphere, while the above-lying curvedasaf
marks the center of the TR(= 10° K).
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3.8 Comparing the Results of the Different Models

3.8.1 Magnetic Fields

All five models evolved in this thesis keep a relatively siemphd organized magnetic field structure
during the simulations, compared to the standard model sithglest magnetic field structure is seen
in the magnetic monopole model C1x1, where the field stay®rmoless vertical and homogeneous
throughout the simulation, except the photospheric fielatkvfollows the granular pattern. The other
four models have poles at lower boundary where conceniatad vertical fields rise up through
the photosphere, bend outwards above the photosphere péutseof the fields from different poles
connect together in loops which reach up to t@opy while the rest of the fields continue almost
vertically upwards above the canopy.

Closer analysis of the models (not shown in any figure hexa&ale estimates of the canopy height in
each model — defined as the height where the horizontal pkat@gent to the uppermost magnetic
loops which bind together fields from the different poles -tolitare written in table 3.1. As expected,
the highest canopy height occurs in the bipole model C2xZErevtthe separation distance between
magnetic poles is highest, and as we see from figure 3.18, #umetic field above the canopy in
this model is much more inclined than on similar heights ia tther models. The three models
with magnetic fields of higher complexity have canopy hesghtar or within the transition region.
However, the canopy height does not seem to decrease wittaging magnetic complexity within
those three models. That can be caused by the fact that thelflnamics forces the magnetic canopy
(which binds the different poles together) to lie near the(&Rd that the TR tries to align itself with
the canopy), causing the exact height of the canopy to be mafitom. The standard model have
magnetic loops which is chaotically located all over theooar, and it is therefore futile to measure a
specific canopy height in that model.

Model | Canopy height
Cix1 -

C2x1 5.6 Mm
C2x2 3.4 Mm
C4ax2 3.8 Mm
C4x3 3.3 Mm

Table 3.1: Height above photosphere where the top of magoatiopy occurs.

Comparing the plots of the horizontally averaged magnetid iomponents and especially magnetic
energy density as function of height in figure 3.18, one caeniz the following: the magnetic field
at the lower boundary has an average which increases wittoting@lexity in a way that ensures the
mean magnetic field strength in the photosphere to be appadely the same in all models. Because
the fraction of the field emerging through the photospheriEkvbonnects together in loops increases
with the density of magnetic poles for densities less than d¢fithe 8-pole model, the magnitude of
the remaining magnetic field above the canopy decreasesheitomplexity in the photospheric field
for all models except model C4x3 which has a stronger corfieldl than the 8-pole model.

Considering the periodicity of the box and imagining pwgtiseveral boxes together, the magnetic
monopole model will correspond to a larger area of homogamenagnetic fields (a “quiet quiet-
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Sun” region). Such kind of homogeneous vertical fields oatan active region-phenomenon known
asplage but plage regions tends to be warmer the surrounding Q®&megin contrast to what we
saw in the monopole model. There is currently no good exgilaméor the high temperatures which
occurs in plage. The magnetic field configuration in the polodel will correspond to a line of
magnetic poles bound together in magnetic loops which r@aohthe corona. The supergranular
lanes, where magnetic fields are much stronger than in teenigtivork, might consist of such lines
of magnetic poles. The three models of higher magnetic cexitglwill all correspond to grids of
magnetic poles, bound together in loops reaching up to apyamear the TR, but with different grid
sizes. Such grids of magnetic poles may represent a singpliesion of the salt-pepper pattern of
magnetic fields in the QS internetwork. The standard modeksents a more realistic salt-pepper
pattern of magnetic fields in the internetwork.

3.8.2 Temperature Structure

The model which in which we find the lowest coronal tempematsidefinitely the magnetic monopole

model, which ends up with a mean temperature about 0.2 MKt iodel has also the most constant
location of the TR. The opposite extreme is the bipole modkich after 40 min reaches a mean
coronal temperature of almost 15 times that in the monopaéen(~3.0 MK) and temperatures up

to 3.5 MK in a smaller region. That model also has the highesperature variance in the corona (all
between 1.7 MK and 3.5 MK).

The three models of higher magnetic complexity reach teaipegs in between those of the mono-
pole model and the bipole model. Those three models alsothav@ghest variance in the TR height.
Amongst those models, the quadrupole model, which has tireskodensity of magnetic poles in the
photosphere, has the highest coronal temperature, rgathinMK after 63 min when it is still in-
creasing rapidly. The coronal temperature in the 8-poleehashches 1.2 MK within the same time
interval and continues to increase, but slower than thergpate model. The model C4x3 reaches a
coronal temperature of 0.6 MK at that time and continuesc¢ceiase, but more slowly than in the pre-
vious two models, and it seems to end up with the coolest ecnbthose three models. Thus, amongst
those three models, the resulting coronal temperaturesstedecrease with thaitial complexity in
the photospheric magnetic field (C4x3 had initially the legthphotospheric complexity).

The standard model ends up with a coronal temperature Iglighter than in the 8-pole model despite
having a much higher coronal Joule heating. We must remethhethe coronal temperature might
be affected by other factors than the Joule heating. A plessilechanism which keeps the coronal
temperature in this model down could be cooler gas whichaissworted up to coronal heights in
coronal loops, or it could be radiative cooling.

3.8.3 Joule Heating

Table 3.2 shows the mean Joule heating which each regiortinreadel ends up with. By using this
and figures 3.21 and 3.22 to compare the Joule heating in eaddlnit is clearly that the Joule heating
in the middle chromosphere increases more or less with thetieke complexity in the photospheric
magnetic field (where C4x3 had a lower effective complexitgrt the 8-pole model). In all of the
above-lying regions, the magnetic bipole model seems te ta highest amount of Joule heating,
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and especially in the corona, the Joule heating is much hitja@ in the other models. Of the three
models of higher magnetic complexity, the 8-pole model hashighest amount of Joule heating in
the upper chromosphere and TR, while the quadrupole moddhieahighest coronal Joule heating.
Model C4x3 has an almost equal amount of Joule heating asuaérgpole model in the upper

chromosphere, but has a lower amount of Joule heating thtrtt®quadrupole and 8-pole model in
the above-lying regions. Thus, the coronal Joule heatigedses with the initial complexity in the

photospheric magnetic field amongst those three modelsmEgmetic monopole model has a Joule
heating, in the upper chromosphere and above, which is nowadr fthan in all of the other models.

The large amount of Joule heating in the magnetic bipole imedéch heats the corona up to tem-
peratures of 2.5-3.5 MK, is most probably due to the stromgect sheets which are generated in the
region near the magnetic neutral line and reach out throargje Iparts of the corona. It is also possible
that the generation of nanoflares due to twisting and reaiomeof magnetic fields is present below
the canopy, heating the sub-canopy corona (since the cdiespglatively high up in the corona).

The corona in the three models of higher magnetic complewihjch contain “grids” of magnetic
poles, are all heated by a corresponding grid of verticaktuisheets which go diagonally between the
magnetic poles with the same polarity (while the poles ofagje polarity lies in the middle of each
“grid zone”), as seen in the three-dimensional plots of tineent density earlier in this chapter. Of
these models, the quadrupole model gets the largest amiozoromal heating, even though the 8-pole
model have a tighter grid of current sheets (due to a high@ptexity in the photospheric field) with
currents approximately equally strong as in the quadrupadel. This may be explained by the fact
that the quadrupole model seems to obtain a more conmigearchyof weaker current sheets within
each “current sheet grid zone” than the 8-pole model doese@s in figure 3.14. The model C4x3,
which has a lower effective complexity in the photospheragmetic field than the 8-pole model, also
seems to get a bit more complex hierarchy of current shedfsnwaach “grid zone”, but the currents
in this model are weaker than in the other two “magnetic gnididels, which may explain why this
model gets less coronal Joule heating. The reason why tegstst current sheets in this model are
weaker than in the other two similar model may be explainedféliowing way: this model has an
initially too high complexity in the photosphere (12 poles)jth separation distances comparable to
a typical granule size. Therefore, some of the loops thal Eilds from different poles together
happens to lie very near the photosphere and eventuallwfdrbeneath the photosphere, making the
photospheric field much weaker than in the other models datter stages of the simulation. Thus,
even though having a lower density of magnetic poles in tregaphere than the quadrupole 8-pole
model, which leads to a larger hierarchy of current shebtsfield is much weaker, and therefore
the current sheets which are generated in the corona aredabk to heat it more than in the 8-pole
model. Another factor which can play a role here is the gdimgraf nanoflares, which is more likely
to happen below the canopy than above. The canopy in the up@aldrand 8-pole models reach a bit
higher into the corona than in the model C4x3 (where the caimostly below the TR) and thus
makes it more probable for nanoflares to reach into the caxodéeat it.

The reason the magnetic monopole model has much less coreatirig than the other models is due
to the absence of strong currents. The fact that the cordhemahage to maintain a temperature in
the order ofl0° K may be explained by the generation of weak nanoflares, siveceertical fields in
this model might twist around each other (due to convectieiion) and reconnect all the time.
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Figure 3.14: Current density, relative to the typical chospheric current density, in C2x2 (left panel) and C4x2htrig
panel),z = 9.7 Mm, ¢t = 30.0 min. The currents behave similar to this throughout therertorona. The horizontal
locations of poles of upward- and downward-oriented field$He photosphere) are marked Byand®, respectively.

Model | (Q{")lergss] | (@P)lergis] | (@Plergris] | (@lergris] | (QF)lergss]
B1 5.4 -1072 2.4 -1072 2.3-1072 1.4 -1072 1.1-1073
Cixl | 1.3 -1072 1.0 -107% 1.1-107° 1.7 -107° 1.7 -107°
C2x1 | 4.2 -1072 3.0-1072 (%) |29-1072 (*) |3.1-1072 (*) |3.1-1073 (¥
C2x2 | 5.2 -1072 1.6 -1072 1.3 1072 1.0 -1072 3.0 -107% (¥
C4x2 | 6.3 - 1072 2.6 -1072 2.1 -1072 1.7-1072 (* | 25-107% (¥
C4x3 | 5.6 - 1072 1.5 -1072 1.5 - 1072 2.6-107% (*) | 1.2-107* (¥

Table 3.2: The mean Joule heating which each model ends hpmaach of the 5 selected regions. In the cases where the

Joule heating has not yet stabilized, marked with (*), theting is evaluated over the last 5-10 min. Otherwise, théga
is an average over the period after it gets more or less stable

[€Y) @) (3) [€) )
Model <Q<C(]21]B1>)> <(;C£]22?Bl>)> <Q<C(]23]]31>)> <C;C§1?B1>)> <(;C£]2€>?B1>)>
Cix1 | 0.25 0.004 0.0005 0.001 0.0015
c2xl | 0.77 1.3 (%) | 1.2 ® 21 *) |28 *)
C2x2 | 0.96 0.66 055 (071 () ]027 ()
Cax2 | 1.2 1.1 091 ™12 ™02
C4x3 | 1.0 0.64 065 (018 (|01l (%

Table 3.3: The mean Joule heating which each model ends hpméach of the 5 selected regions, relative to the mean
Joule heating in the corresponding region in the standadeinén the cases where the Joule heating has not yet stahiliz
marked with (*), the heating is evaluated over the last 5-10. r@therwise, the heating is an average over the period afte

it gets more or less stable.
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Figure 3.15: InitialB, at the lower boundary anB. in the photosphere after some relaxation time, measurealtissy
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Figure 3.16: InitialB, at the lower boundary anB. in the photosphere after some relaxation time, measurealtissy
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Figure 3.19: Left panels shows how the mean temperaturesineions above = 3.0 Mm evolve in time, while right
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Figure 3.21: Time plots of the mean Joule heating in the Sceaderegions for each model. Left column shows the mean
Joule heating in the regions 1 and 2, middle column in regiand3, right column in region 5. Note that the plots for C1x1
have different scaling than the the plots in the same collnacause this model obtains much less Joule heating in the TR
and the corona than the other models (and it runs for a quite 8me). Several of the plots for the coronal heating (righ

column) have different scaling on the vertical axis (but phats for C2x2, C4x2 and C4x3 have the same scaling.). The
plots continues on figure 3.22.
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Figure 3.22: Time plots of the mean Joule heating in the Sceederegions for each model. Left column shows the mean
Joule heating in region 1, middle column in region 2, 3 andightrcolumn in region 5. Each row corresponds to a specified
model. The first part of these plots is on figure 3.21.
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CHAPTER 3




DIiscUSsSSION AND CONCLUSIONS

4.1 Summary

In the introduction of this thesis, we first went briefly thgbuthe mechanics describing how a star
works. Then we reviewed our current knowledge on one spestdic namely the Sun. We described
how energy is released inside the core through nuclearrfusmiol transported through diffusion of
electromagnetic radiation and convective motion untig#Jes the Sun through the almost transparent
atmosphere in the form of photons. Furthermore we went deefmethe structure of the solar atmo-
sphere, from the quiet-Sun granulation and supergraoulat sunspots, prominences and spicules
and how the density, pressure and temperature varies frephibtosphere through the chromosphere
and TR to the very hot corona. The fact that the corona lies ftb-2.5 Mm above the photosphere
and outwards but is more than 200 times hotter than the pbla¢os led us right into the more than
60 year old problem which is dealt with in this thesis: Why sltiee solar corona have a temperature
of more than 1 MK when the surface temperature is about ori{ 60?

A few plausible theories have been developed in attempt $avanthat question, all agreeing about
one thing: the heating of the corona is connected to the ¢gyobf the magnetic fields in the photo-
sphere and the chromosphere. Therefore, the more spedfitepr that this thesis deals with is the
following: What is the connection between the magnetic fegdfiguration in the photosphere and
the heating of the corona?

In attempt to answer this question, the numerical code Bifnas been used to solve the MHD equa-
tions on a three-dimensional cutout of the solar atmospdris cutout is a box which reaches from
below the photosphere and up into the corona (14.4 Mm abavelibtosphere). Five models have
been evolved, all with the same initial condition for the fgdi/namic variables, but with different
magnetic field configurations:

1) A magnetic monopole configuration i.e. a vertical homegers magnetic field
2) A magnetic bipole configuration
3) A magnetic quadrupole configuration

4) A magnetic 8-pole configuration
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5) A magnetic 12-pole configuration (which, however, doesremain a 12-pole configuration
throughout the simulation)

During the simulations, the resulting temperature stmectand Joule heating have been analyzed
in each model. This has been done by looking at three-dimeakiplots at specific times in the
simulations and at the time evolution of the interestingmgitias in selected regions of the modeled
atmospheres.

Having gone through the theoretical background, simuldiffdrent numerical models of the solar
atmosphere and analyzed the results, it is now time to usewélaave seen to draw some conclusions
regarding the main problem of this thesis.

4.2 Finding a Correlation between Coronal Heating and the Phtospheric
Magnetic Field Configuration

By comparing all of the five models evolved in this thesis @kendard model will be brought into
discussion later), one will immediately see that the carbeating and temperature tendsdecrease
with the initial density of magnetic poles in the photoshexcept for the magnetic monopole model
(C1x1), which has a density of magnetic poles equal to zedohas the lowest amount of coronal
Joule heating and the lowest coronal temperature. Theebipodel (C2x1) has the largest amount of
coronal Joule heating, more than 100 times that of the mdaapodel. The three models of higher
magnetic complexity (C2x2, C4x2 and C4x3) ends up with cafFdoule heating of about one order
of magnitude lower than the bipole model (and one order ofnitade higher than the monopole
model). Amongst those three, the quadrupole model (C2x2)the largest amount of coronal Joule
heating, while model C4x3 gets lowest amount. Amongst tfiesenodels, there is a 1-1 correlation
between the resulting coronal Joule heating and coronagbdemture, i.e. the models which obtain
higher coronal Joule heating obtain also higher tempegatur

In the TR and upper chromosphere, the Joule heating teridsreasemore or less with the effective
density of magnetic poles, except for the bipole model, witiee Joule heating increases more rapidly
than in the other models. Model C4x3 has an effective dewsitgagnetic poles which is lower than
in the 8-pole model but higher than in the quadrupole modelhhs a lower amount of Joule heating
in these regions than both of the other two. This is probabby td the fact that the average magnetic
field in the photosphere in this model is, during the secorfidfizthe simulation, significantly lower
than in the other two models. In the lower chromosphere, diéeheating tends to increase with the
effective density of magnetic poles in the photosphere lfdiva models evolved in this thesis.

The standard model breaks with the above-mentioned (alirbstorrelations between the complex-
ity in the photospheric magnetic field, the coronal Jouldihgand temperature. Having a magnetic
complexity in the photosphere somewhere between that afitdrupole model and that of the 8-pole
model, it has a coronal heating almost comparable to thateobipole model, but still a temperature
lower than in the 8-pole model. But in the chromosphere, tbdethfits well into the above-mentioned
correlations between magnetic complexity and Joule hgd#nd it is approximately the same case
with the TR).

In order to interpret the results summarized above, it iirgnt to point out the fact that we deal with
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three different kinds of models here. The magnetic quadeupmdel, the 8-pole model and model
C4x3 have magnetic field configurations which contains ‘graf magnetic poles in the photosphere.
The bipole model representdiae of several magnetic poles (when considering the horizqegbd-
icity of the model). Finally, the standard model representsalt-pepper” pattern (a term introduced
in section 1.3.1) of magnetic poles similar to the “magngtid”™- models, but where the poles are
more chaotically organized.

In each of the “magnetic grid”-models, the grid of magnetideg gives rise to a corresponding grid
of relatively strong vertical current sheets which heathg ¢orona. These current sheets are most
probably regions where topologically separate parts ofrtagnetic configuration are pushed together,
resulting in large gradients (in the magnetic field compdésierms mentioned briefly in chapter 1. The
magnetic field on both sides of such a current sheet is moressr \tertical but tilted slightly in
different directions due to different topologies on eadef the current sheet, as seen in figure 3.9.
The slight difference in the tilting of the magnetic field gévrise to the strong currents in the current
sheet.

Amongst the three “magnetic grid’-models, the quadrupotaleh has the “current sheet grid” with
the largest grid size, i.e. the longest distance betweersttbag current sheets, due to the lowest
magnetic complexity of those three models. The 8-pole hasigihtest grid of current sheets, which
is probably the cause of the highest heating of the TR andwbsphere. Model C4x3 has a current
sheet grid size in-between those of the quadrupole and gwdeB8model, but the current sheets in this
model tends to be weaker, and that causes this model to getitbst chromospheric heating of those
three models.

Near the strong vertical current sheets which are arrangegtids in the magnetic grid-models, a
hierarchy of weaker current sheets arise in the coronal regions. Thesker current sheets lie
parallel to the stronger grid current sheets. The hieraoflturrent sheets tends to be more complex
in the quadrupole model than in the 8-pole model, i.e. thebmrmof weaker current sheets which lies
nearby each of the strong “main current sheets” (those wieshdiagonally between two magnetic
poles) is larger, as seen figure 3.14. This may explain whyqtlerupole model results in more
coronal heating than the 8-pole model. Model C4x3 also hatatively complex hierarchy of weaker
current sheets, but the currents in this model tends to b&ewxdlaan in the other two models, which
may explain why this model gets the smallest amount of cdroeating.

It is also possible that the stressing of magnetic field liftege to the convective motions) which
collapse into tiny current sheets (with a width~0100 km in the models, though ontyl0 m on the
real Sun) and eventually burst outrianoflaresis a significant contributor to the coronal heating in
those magnetic grid-models. As discussed earlier, an aimeos with a higher canopy height is likely
to get more heat input from nanoflares, as demonstrated iref@yd. In the quadrupole and 8-pole
models, the canopy is slightly above the TR, while it seembetalightly below the TR in model
C4x3. That might be another reason this model has less ddmeating than the two other magnetic
grid-models.

For models with grids of magnetic poles in the photospheecan thus conclude that the coronal
heatingincreaseswith the initial separation distance between magneticpoiehe photosphere (or

decreases with the initial complexity) for typical sepenatdistances shorter than 6-7 Mm (which is
the case for the quadrupole model). If we simulate similadef®with a higher separation distance
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than that (which requires a larger computational box), andvigher amount of coronal heating
may result. However, increasing the magnetic pole separalistance towards infinity should result
in a model similar to the monopole model i.e. a coronal hgatuich goes almost towards zero.
Therefore, amongst such magnetic grid-models, there tsatg a typical pole separation distance,
larger than 6-7 Mm which gives a maximum coronal heat input.

The bipole model has a very different magnetic structure tha magnetic grid-models. The magnetic
topology of this model, representing a line of several patasises the presence of a magnetic neutral
line, going in the horizontal direction perpendicular te tine of poles, above each second pole,
similar to what is demonstrated in figure 1.17. The regiouadothe magnetic neutral line generates
current sheets which are much stronger than those genénatteel magnetic grid-models, going out
in all directions in the corona. Additionally, the high ldicen of the magnetic canopy might allow
nanoflares to more easily dissipate energy into the coraraiththe magnetic grid-models. Thus, it
is no surprise that this model gets a higher chromospheatrigethan the magnetic grid models and
a coronal heating which is one order of magnitude higher.

Since the main heat generator in the bipole model is the ntiggmeutral line, a similar bipole model
with longer distance between the poles (requiring a largempmutational box to simulate) will prob-
ably obtain lower coronal temperatures, because the distagtween several magnetic lines (consid-
ering the model to represent a longer line of poles) will begker, or in other words, the energy from
the current sheets generated near the magnetic neutralilif@ve a larger volume to dissipate into.
However, this remains only speculation until it is numeijctested.

The photospheric magnetic field configuration in the stashdaodel represents a salt-pepper pattern
of magnetic poles, partially similar to the three magnetid-gnodels evolved in this thesis, but more
chaotically organized. Having a magnetic complexity in pih@tosphere which lies between that of
the quadrupole and 8-pole models, the corona obtainststittimes as high amount of Joule heating
after 50-60 min than the quadrupole model does at the sanee(éimd 1/3 of what the bipole model
seems to end up with). The relatively high coronal Jouleihgas likely to be caused by the fact that
the chaotically organized pattern of magnetic poles giigsto a very large and chaotically organized
hierarchy of current sheets (and therefore most of the oustegeets are impossible to see separately
in the three-dimensional current-plot in figure 3.2(b)).dikanally, the fact that a large part of the
magnetic loops reach deep into the corona probably allowsflaes to dissipate more easily into
the corona. Thus, the model obtains a coronal Joule hedtimgsacomparable to that of the bipole
model. Still, this model ends up with a lower coronal tempees than in the quadrupole and 8-pole
models. This could be caused by coronal loops which trahspoter matter from the chromosphere
(or maybe lower TR) up to the corona which cools down the sumding gas before it eventually falls
back to the chromosphere. It could also just be the magnetit donfiguration in this model which
possibly allows more heat conduction from the corona toerombnes than in the models evolved in
this thesis, or possibly radiative cooling (needs furthelygsis).

Summarizing the Conclusions

For a region in the QS atmosphere with a strict square grid affrmatic poles in the photosphere,
the corona receives an amount of Joule heating and a temaperahich increases with the typical
separation distance between magnetic poles (or decredbeth@magnetic pole density), for separ-
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ation distances shorter than 6-7 Mm (i.e. the longest plessiyparation distance possible for such
magnetic grid-models in the computational boxes used haselong as the average magnetic field

strength in the photosphere is the same. This increase idynthie to the corresponding increase in

distances between the strong vertical current sheetelbdigonally between magnetic poles, which
gives more space for a series of weaker current sheets 4gbamahe stronger current sheets — to be

generated (i.e. a more compliierarchy of current sheets). Another possible factor which affects
the coronal heating is the amount of nanoflares dissipatedtie corona, which also may increase

with the pole separation due to a corresponding increadeeicdnopy height. If we keep increasing

the pole separation distance, the coronal Joule heatingtwgbme point reach a maximum value and

decrease to a relatively small value as the pole separaistendes goes towards infinity.

Having a more chaotically organized pattern results in éigimounts of coronal Joule heating due
to more complex and dynamic hierarchy of large-scale ctisbaets and possibly more dissipation
of energy from nanoflares. However, according to the nurakriesults, a more chaotic magnetic
field will also allow some cooling events (due to coronal Iedpeat conduction or radiative cooling)
to occur in the corona and cause the resulting temperatuve sightly below the coronal temper-
ature of a magnetic grid-model with the same pole mean stpadistance. This kind of model is
of course more likely to represent the QS atmosphere thamtuels which contain strict grids of
magnetic poles. However, the coronal heating due to gaaeraf current sheets will probably still
increase with the typical separation distance between atigooles in a similar way. In other words,
the coronal Joule heating in a salt-pepper pattern of magpetes increases both with the typical
separation distance between magnetic poles and with asdhator”. That chaos factor can be qual-
itatively defined as a number which tells how much the pattdémagnetic poles deviates from a strict
square grid (a quantitative definition is not necessary, tsémee only the standard model has magnetic
poles which deviates from a strict square pattern). The éeatpre will also increase with the pole
separation distance, but probably decrease with the claatsr faccording to the numerical models
that were studied (we have, however, only studied one moitlelaxchaotic pattern of magnetic poles,
so the latter conclusion needs more simulations to be coediym

A region in the QS atmosphere which contains a line of seveagnetic poles (as represented by the
bipole model) will be heated more efficiently than a regiormisalt-pepper pattern, and the heating
will also increase with the density of poles along the lireelcang as the pole distance does not get too
short.

4.3 Possible Coronal Heating Mechanism

It is probable that the QS corona is heated by a hierarchyroéousheets, as described by Galsgaard
& Nordlund (1996), generated above a salt-pepper pattermagfnetic poles in the photospheric
internetwork. The current sheets may be regions where dgjally separate parts of a magnetic
configuration are pushed together, as seen in some of the-dimeensional current plots from the
previous chapter. It can also be caused by the convectivillispuf magnetic field lines which
generates nanoflares, as described by Parker (1988). Theatdreating dissipated by the current
sheets in the former case increases with the typical sépardistance between magnetic poles, at
least for a typical pole separation distance shorter thamvn. The heating dissipated by nanoflares



DiscussiON ANDCONCLUSIONS 77

is likely to increase with the height of the magnetic canaplich is because nanoflares are more
likely to be produced in the sub-canopy region than abovec#mopy (since the magnetic field in

the sub-canopy region is both stronger and more closelyamad to the convective motions in the

photosphere than the field above the canopy), and the heighe @anopy also increase, more or
less, with the typical pole separation distance. Thus, oked heating of the corona above a salt-
pepper pattern of magnetic poles in the photosphere wikkame when increasing the typical magnetic
pole separation distance up to a certain value (longer thaiVién) before it starts decreasing as the
separation distance goes towards infinity.

It might be possible to find lines with poles (as in the bipoledal) of stronger magnetic fields in
the magnetic network along the supergranular borderse dimese regions are observed to contain
relatively strong magnetic fields. If so, that might causedhistence of magnetic neutral lines which
generate very strong current sheets. However, the regutronal temperature in the nearby region
will not be as high as seen in the bipole model (>3.0 MK), beeghe energy dissipated in the strong
current sheets will diffuse into the surrounding internativ

4.4 Final Thoughts

Because of limited time and computer resources, we havelm@n able to simulate five models of
the QS atmosphere with different initial conditions for tin@agnetic field, and some of the models
have run for a shorter time interval (of solar time) than ijeaanted. Therefore, it is limited how
precise conclusions we can derive from our results withaesio the problem of this thesis. However,
we have not failed to answer the problem dealt with in thisithéMe have managed to obtain an idea
about how the coronal heating and temperature depends coitiy@exity of the magnetic field in the
photosphere, and thus we are one (small) step closer tangdive coronal heating problem.

What could have been done better?

e Some of the models should have been run for a longer time ier dodensure stabilization of
Joule heating and temperature. That would have made thiésreasier to analyse and compare.

e We could have included models with different magnetic pagéritutions in the photosphere to
get a broader set of results.

Thoughts for Future Research

There is definitely a need for more research on this problemsuitable next step would be to start
systematically analyzing more models with different déesiof magnetic poles in the photosphere
systematically. It would also be interesting to study meaeéth roughly equal magnetic pole densities
but with a more chaotically organized pattern of poles. Watlger computational boxes, one should
also study models with even smaller magnetic pole densiftaasin the models simulated in this thesis
in order to see what magnetic pole density which yields thgimam coronal heating.
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It might also be interesting to study bipole models with lendistances between the poles (requires
a larger computational box) to see if the resulting coromatlinput decreases, as expected, or if the
opposite happens.
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